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ABSTRACT
We use hydrodynamical models of the wind-collision region in the archetype colliding-wind

system WR 140 to determine the spatial and spectral distributions of the radio, X-ray, and γ -ray

emission from shock-accelerated electrons. Our calculations are for orbital phase 0.837 when

the observed radio emission is close to maximum. Using the observed thermal X-ray emission

at this phase in conjunction with the radio emission to constrain the mass-loss rates, we find

that the O star mass-loss rate is consistent with the reduced estimates for O4-5 supergiants by

Fullerton, Massa & Prinja, and the wind-momentum ratio, η = 0.02. This is independent of

the opening angle deduced from radio very long baseline interferometry observations of the

WCR that we demonstrate fail to constrain the opening angle.

We show that the turnover at ∼3 GHz in the radio emission is due to free–free absorption,

since models based on the Razin effect have an unacceptably large fraction of energy in

non-thermal electrons. We find that the spectral index of the non-thermal electron energy

distribution is flatter than the canonical value for diffusive shock acceleration, namely p <

2. Several mechanisms are discussed that could lead to such an index. Our inability to obtain

fits to the radio data with p > 2 does not exclude the possibility of shock modification, but

stronger evidence than that which currently exists is necessary for its support.

Tighter constraints on p and the nature of the shocks in WR 140 will be obtained from

future observations at MeV and GeV energies, for which we generally predict lower fluxes

than those in previous works. Since the high stellar photon fluxes prevent the acceleration of

electrons beyond γ � 105–106, TeV emission from colliding-wind binary systems will provide

unambiguous evidence of pion-decay emission from accelerated ions. We finish by commenting

on the emission and physics of the multiple wind collisions in dense stellar clusters, paying

particular attention to the Galactic Centre.

Key words: binaries: general – stars: early-type – stars: individual: WR 140 – stars: Wolf–

Rayet – radio continuum: stars – X-rays: stars.

1 I N T RO D U C T I O N

Massive binary systems containing a Wolf–Rayet (WR) and O-type

star often exhibit synchrotron emission arising from relativis-

tic electrons in the presence of a magnetic field (Dougherty &

Williams 2000). The non-thermal electrons are widely thought to

be accelerated through diffusive shock acceleration (DSA), though

other mechanisms are also possible (e.g. Jokipii 1987; Jardine,

Allen & Pollock 1996). High-spatial-resolution radio observations

(e.g. Williams et al. 1997; Dougherty, Williams & Pollacco 2000;

�E-mail: jmp@ast.leeds.ac.uk

Dougherty et al. 2005) have revealed that the acceleration site is the

region where the massive stellar winds collide – the wind-collision

region (WCR). Thus, colliding-wind binary (CWB) systems present

an important laboratory for investigating the underlying physics of

particle acceleration since they provide access to higher mass, ra-

diation and magnetic field energy densities than those in supernova

remnants (SNRs), which have been widely used for such work.

CWB systems are also ideal for understanding related, but more

complicated, systems involving colliding winds, such as the cluster

of massive stars in the central parsec of the Galaxy (Ghez et al.

2005), and young, dense stellar clusters (super star clusters), such

as the Arches (Figer et al. 1999), NGC 3603 (Moffat et al. 2002), and

R136 (Figer, McLean & Morris 1999). Non-thermal radio emission
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has recently been detected from the Arches cluster (Yusef-Zadeh

et al. 2003), and the non-thermal radio filaments and ‘streaks’ near

the Galactic Centre may have their origin in CWBs and cluster winds

(Yusef-Zadeh 2003).

In this paper, we model the thermal and non-thermal radio, X-

ray and γ -ray emissions from one of the most extensively observed

CWB systems, WR 140. In Section 2, we describe our assumptions

for the non-thermal particle spectrum. Section 3 contains details

of our implementation of the various processes responsible for the

non-thermal X-ray and γ -ray emission. Details of the modelling of

the radio emission, including several cooling processes, and various

emission and absorption mechanisms, can be found in Dougherty

et al. (2003) and Pittard et al. (2006). The application of our model

to observations of WR 140 is described in Section 4, and the impli-

cations of our modelling are discussed in Section 5. In Section 6,

we summarize and note future directions.

2 T H E N O N - T H E R M A L PA RT I C L E S P E C T RU M
A N D M AG N E T I C F I E L D

In this work, it is assumed that the non-thermal particle distribution

can be approximated as a power law n(γ ) ∝ γ −p , where γ is the

Lorentz factor and p is a free-parameter determined from model

fits (primarily) to the radio emission. A number of mechanisms can

produce such a distribution, as we now discuss along with our as-

sumptions concerning the normalization of the non-thermal particle

spectrum and the magnetic field within the WCR.

2.1 Acceleration mechanisms and spectral index
of non-thermal particles

There are several possible mechanisms for accelerating particles in

CWB systems, including DSA, reconnection, and many turbulent

processes. The spectral index of the non-thermal particles can, in

each instance, span a wide range of possibilities, as discussed below.

An estimate of which mechanism is likely to be dominant can be

made by comparing their relative efficiencies.

2.1.1 Reconnection

In CWB systems, particles may be accelerated at the contact discon-

tinuity between the two winds as magnetic field lines from the two

stars are forced together and reconnect (Jardine et al. 1996), and/or

within the volume of the WCR as tangled field lines reconnect.

Reconnection can occur either as a quasi-steady, or as an explo-

sive, process. The energy released is transferred into thermal energy

through direct Joule heating of the plasma, into the kinetic energy of

macroscopic motions, and into accelerated particles. Unfortunately,

the role of magnetic reconnection in accelerating particles is com-

plex, not least because of the many different types of reconnection,

and the intricate magnetic environment that is usually associated

with reconnection. This environment can accelerate particles di-

rectly (through strong electric fields), stochastically (i.e. through

the second-order Fermi process due to high turbulence), and at the

magnetohydrodynamics (MHD) shock waves which are an integral

part of a reconnecting field (i.e. through DSA – see Priest & Forbes

2000, and references therein). Reconnection is usually thought to

produce steep spectra, that is, p > 2, such as is seen in solar flares.

A rough upper limit of the power available for particle accelera-

tion due to reconnection can be estimated as follows. If reconnection

occurs as a quasi-steady process, the power released in a current

Table 1. Some key parameters for our models of WR 140 at φ = 0.837

(Section 4). D is the binary separation, η is the wind-momentum ratio, rO is

the distance of the stagnation point of the WCR from the O star in units of the

stellar separation D, and d is the distance of the system.U th, U B, U ph, ne, and

B are all evaluated at the stagnation point, while the pre-shock Alfvénic Mach

number, MA, is evaluated immediately upstream of the WR shock on the line

of centres, assuming that at this point the shock is highly perpendicular and

that the B-field is reduced by a factor of 4 from its post-shock value. θ is the

angle of the line of sight into the system. Two values are given for ne – these

are for the WR and O star side of the contact discontinuity, respectively.

Parameter Model A Model B

D (1014 cm) 3.13

log (LO,bol/L�) 6.18

log (LWR,bol/L�) 5.5

d (kpc) 1.85

η 0.22 0.02

rO 0.32 0.124

ζ rel,e 1.38 × 10−3 5.36 × 10−3

ζ B 0.05 0.05

U th(erg cm−3) 0.78 1.2

U B(erg cm−3) 0.04 0.06

U ph(erg cm−3) 1.6 10.3

ne(WR) (cm−3) 3.7 × 106 6.0 × 106

ne(OB) (cm−3) 1.3 × 107 2.0 × 107

B (mG) 990 1200

MA 11.4 11.9

θ 5◦ 35◦

sheet of area A is

P ≈ π

4 ln Rm

B2

8π
vA A, (1)

where Rm is the magnetic Reynold’s number, B is the magnetic field

strength, and vA is the Alfvén speed (Petschek 1964). If reconnec-

tion occurs at the contact discontinuity, the area of the current sheet,

A, is approximately the area of the apex of the WCR, that is, A ∼
πr 2

O, where r O = η1/2 D/(1 + η1/2) is the distance from the stagna-

tion point of the WCR to the centre of the O star, D is the separation

of the stars, and the wind-momentum ratio η = ṀOvO/ṀWRvWR,

where ṀO and ṀWR are the mass-loss rates of the O and WR stars

with terminal wind speeds of vO and vWR, respectively. For our

model B (see Table 1), Rm ∼ 1020, A ∼ 5 × 1027 cm2, vA ≈ 6 ×
107 cm s−1, and B = 1.2 G, so P ∼ 3 × 1032 erg s−1. Since P is

strongly dependent on B, the available power from reconnection

could be considerably higher than this estimate, and may be further

augmented by reconnection occurring throughout the WCR region.

While we expect that only a fraction of this total power will end

up in non-thermal particles, there is probably sufficient reconnec-

tion luminosity to produce the synchrotron emission observed from

WR 140 (∼ 5 × 1032 erg s−1). However, it may struggle to supply the

energy in inverse-Compton (IC) γ -ray emission, which is expected

to be approximately 10 times greater (see Table 5).

2.1.2 Turbulent mechanisms

Particles may also be accelerated stochastically, by magnetic scat-

tering off turbulent motions (Fermi 1949). In this mechanism, non-

thermal particles either gain or lose energy depending on whether

the magnetic field is moving towards or away from the particle.

However, as the scattering probability is proportional to the rela-

tive velocity between the particle and the plasma, there is a slight
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excess of head-on scatterings and a mean increase in momentum.

This process is known as the second-order Fermi mechanism and,

in principle, hard power-law spectra (p < 2) may be obtained. The

second-order Fermi mechanism is slower and less efficient than

DSA (a first-order Fermi process) in our models of WR 140, since

the pre-shock Alfvénic Mach number, MA = v
√

4πρ/B � 3 – see

Table 1. Another possible mechanism is acceleration in turbulence

from resistive magnetohydrodynamical fluctuations (Nodes et al.

2004) that can produce hard power-law spectra with p < 2.

2.1.3 Diffusive shock acceleration

DSA is a variant of the original Fermic mechanism, in which parti-

cles are accelerated by scattering back and forth across a shock. The

key difference is that fast particles gain energy each time they are

scattered back across the shock, until their eventual loss downstream

of the shock. To a first approximation, DSA produces a power-law

energy distribution of non-thermal particles (see Pittard et al. 2006,

for a discussion of departures from this). The maximum power that

is available to DSA is the kinetic luminosity of those parts of the

stellar winds which are processed through the WCR (in model B this

is ∼1036 erg s−1). Therefore, DSA easily meets the energy require-

ments for producing the synchrotron emission seen from WR 140

(∼5 × 1032 erg s−1).

At a single, parallel shock, the value of p is determined by the com-

pression ratio of the scattering centres across the shock, rk (e.g. Bell

1978). In the strong shock limit, the gas compression ratio r = 4;

if r k ≈ r , then p ≈ 2. However, p can be greater or smaller than

this value depending on the values of r and the ratio of gas to mag-

netic pressure in the upstream flow, which together determine rk

(Schlickeiser 2002).

There are additional ways in which the spectral index can vary

from the canonical strong shock limit of p = 2. For instance, when

particle acceleration is efficient, the diffusion of non-thermal par-

ticles upstream of the subshock exerts a significant back-pressure

on the pre-shock flow, causing the gas velocity to decrease prior to

the subshock in a smooth precursor (Fig. 1). As the highest-energy

particles are able to diffuse further upstream from the subshock,

and see the greatest velocity difference between the upstream and

downstream flows, a concave curvature to the non-thermal particle

energy spectrum is created. In addition, the velocity jump across

the subshock in this situation is much less than that in the classical

shock, which results in a reduced post-shock thermal temperature.

Convincing evidence for such ‘shock modification’ is provided

by an analysis of observations of several young SNRs, including

Tycho (Völk et al. 2002) and SN 1006 (Bamba et al. 2003; Berezhko,

Ksenofontov & Völk 2003), and from direct spacecraft measure-

ments of the Earth’s bowshock and interplanetary shocks (see ref-

erences in Ellison & Cassam-Chenaı̈ 2005). Non-thermal ions are

believed to be primarily responsible for modifying shocks because

they are thought to dominate the non-thermal energy density (see

Section 2.2). Since the diffusion length of electrons is much smaller

than that of ions for a given Lorentz factor, non-thermal electrons

are confined to a region much closer to the subshock. Thus, only

those electrons with momenta �m p c (i.e. with Lorentz factors

�2000) are able to diffuse far enough upstream to see the veloc-

ity difference required to obtain a spectral index p < 2 (assuming

p = 2 for the unmodified shock – see fig. 1 in Ellison, Decourchelle

& Ballet 2004). In CWB systems, the synchrotron emission at GHz

frequencies is from electrons with relatively low momentum. For

example, at the apex of the WCR in model B of this work, electrons
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Figure 1. Top panel: schematic structure of a strong hydrodynamic shock.

If DSA places a negligible amount of energy into accelerated particles, an

ordinary discontinuous classical shock occurs (dashed line). In this case,

the undisturbed pre-shock flow is separated from the post-shock flow by a

discontinuity known as a subshock across which the flow velocity decreases,

and the density and pressure increase. The scalelength of the subshock,

ls, is determined by microphysical dissipation processes that result in gas

heating. In contrast, when particle acceleration is efficient, the diffusion

of non-thermal particles upstream of the subshock exerts a back-pressure

on the pre-shock flow, causing the gas velocity to decrease prior to the

subshock in a smooth precursor (solid line). The scalelength of the precursor,

l d(	l s), is approximately the diffusion length of the highest-energy ions.

Middle panel: the spatial distribution of the number density of non-thermal

particles as a function of energy in the modified shock. The highest-energy

particles are able to diffuse further upstream from the subshock, and see the

greatest velocity difference between the upstream and downstream flows.

Non-thermal particles in the precursor are typically scattered back across the

subshock, and either undergo further acceleration, or escape downstream.

Bottom panel: the non-thermal particle energy spectrum multiplied by γ 2

to emphasize the spectral curvature of the non-linear (i.e. efficient particle

acceleration) case. When DSA places relatively little energy into accelerated

particles, the standard test particle spectrum is obtained, as shown here for

p = 2 (solid). In contrast, the modified shock produced when DSA is efficient

leads to a concave curvature in the non-thermal particle energy spectrum

(dashed – see Ellison et al. 2004, and references therein).
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with γ = 50 (i.e. momentum p = 50m e c ≈ 0.03 m p c) pro-

duce synchrotron emission which peaks at ν = 0.29ν c ≈ 3.6 GHz,

where ν c is the frequency where the synchrotron spectrum cuts off

(Pacholczyk 1970). Hence, if shock modification occurs in these

systems, the synchrotron emission should be characterized by p >

2, though if re-acceleration occurs this is not necessarily the case.

The spectral index of non-thermal particles can be modified if they

pass through a sequence of shocks. In the limit of many shocks,

the spectral index approaches p = 1, independent of the shock

strength. This process is known as ‘re-acceleration’ (see Pope &

Melrose 1994, and references therein), and if the particles suffer

energy losses between the accelerating shocks, p can become even

smaller (Schlickeiser 1984; Melrose & Crouch 1997). Shock mod-

ification and particle re-acceleration are not necessarily mutually

exclusive.

Some previous works (Kirk & Heavens 1989; Naito & Takahara

1995) have also claimed that p < 2 can be obtained if the shock

is oblique (i.e. when the B-field is at some angle to the shock nor-

mal), but these rely on a non-standard shock acceleration model,

such as non-isotropic scattering, and we do not consider this further.

Mechanisms which increase the effective Mach number of the shock

may also yield p < 2 (e.g. Malkov, Diamond & Völk 2000), while

p > 2 may be obtained if subdiffusive cross-field transport is im-

portant (Duffy et al. 1995; Kirk, Duffy & Gallant 1996).

2.1.4 Summary of assumed non-thermal particle spectrum

From energy considerations, DSA and reconnection appear to be

the most efficient mechanisms, with DSA likely having the edge

(see also Bednarek 2005). Therefore, for the remainder of this work

we assume that the non-thermal particles (electrons and ions) are

created by DSA at the global shocks bounding the WCR and have

power-law energy distributions. We further assume that the down-

stream magnetic field is highly tangled. While we do not model the

actual acceleration process itself, this is consistent with the Bohm

limit where the magnetic fluctuations are of the same strength as

the background field, that is, δB/B ∼ 1. The strong cross-field dif-

fusion which results in this limit allows efficient injection at quasi-

perpendicular shocks.

The diffusion length-scale of accelerating particles is given by

l diff = κ/v shk, where v shk is the shock speed, κ = λv/3 is the spa-

tial diffusion coefficient, λ ≈ 3r g is the mean-free-path, and r g =
γ mc2/qB is the gyroradius of particles with Lorentz factor γ , mass

m, and charge q in a magnetic field B. The acceleration of non-

thermal electrons at the shocks is not affected by the flow geometry

of the downstream plasma, as the diffusion length-scale is only a

small fraction of the width of the WCR (e.g. l diff ∼ 1010 cm for

electrons with γ = 105 at the shock apex of model B, whereas the

distance between the global shocks and the contact discontinuity

is ≈2 × 1013 cm). Therefore, the geometry of the post-shock flow

will have no impact either on our calculation of the synchrotron and

IC emission, or on our finding that the electron spectrum has p <

2. The flow geometry may become important for non-thermal ions,

but for protons and He nuclei this is only likely to be the case for

γ � 104. Detailed work outside the scope of this paper is required

to examine the effect of the flow geometry on our predictions of the

high-energy emission from the decay of neutral pions.

We do not consider the IC cascade of secondary electrons and

positrons that occur when the optical depth of γ -rays to pair-

production in a stellar radiation field is high and when IC scatter-

ing is efficient, though in WR 140 the secondary γ -rays produced

in the cascade and which subsequently escape the system may be

comparable to the observed flux of primary γ -rays above GeV en-

ergies for the orbital phase considered in this work (cf. Bednarek

2006). The non-thermal electrons formed by hadronic collisions,

and the knock-on electrons formed when non-thermal nuclei col-

lide with thermal (atomic and free) electrons, are also ignored in

this work, though the emission resulting from these processes is not

expected to be dominant (see also Mastichiadis 1996; Baring et al.

1999; Berrington & Dermer 2003). We also ignore an additional

(though likely small) contribution to the non-thermal radio emis-

sion from particles accelerated at wind-embedded shocks caused by

the line-deshadowing instability in radiatively driven winds, since

in WR 140 the non-thermal emission is clearly related to binarity.

We set p as a free parameter for the particle distribution immediately

downstream of the shocks, with the assumption that it is spatially

invariant along the face of the shocks, and identical for electrons and

ions. For the ions, p does not change in the post-shock flow, but as

the non-thermal electrons advect downstream IC cooling modifies

their energy distribution, and in this case p is dependent on both

their spatial position and their γ (Pittard et al. 2006). For instance,

in model B, electrons accelerated at the WR shock on the line of

centres between the stars cool to γ � 100 within a time of ≈6.3 ×
104 s, during which they are advected a distance of ≈4.7 × 1012 cm

(0.015D) downstream (assuming that the speed of the post-shock

flow is 0.25v∞ in this region of the WCR). Electrons accelerated

at a point on the WR and O shocks which is a distance D from the

O star cool to γ � 1000 within a time of ≈2 × 105 s. During this

time, they are advected a distance of 5.9 × 1013 cm (0.19D) down-

stream (assuming a post-shock flow speed close to the terminal wind

speeds).

2.2 Normalization

2.2.1 The non-thermal particle spectrum

Since the population of non-thermal particles is not determined from

first principles in our models, the non-thermal electron energy den-

sity, U rel,e, is assumed to be proportional to the thermal particle

internal energy density, U th, that is, U rel,e = ζ rel,eU th. It is also as-

sumed that shock obliquity does not influence the normalization of

the non-thermal electron energy density. However, we note that in

general, the higher the obliquity, the lower the injection efficiency

(although particles are actually accelerated more rapidly as a result

of shock drift along the surface and slower diffusion in the shock

normal direction – see e.g. Ellison, Baring & Jones 1995, 1996;

Ellison, Jones & Baring 1999). In wide binaries, such as WR 140,

the shocks near the head of the WCR should, in principle, be highly

oblique. Yet this picture is further complicated if the level of mag-

netic turbulence is at the Bohm limit, since then the shock does

not have a well-defined obliquity, and strong cross-field diffusion

results in efficient injection (see fig. 6 in Ellison et al. 1995). Such

concerns are beyond the scope of this work.

To obtain an estimate of the γ -ray flux from the decay of neutral

pions, the energy density of relativistic ions must be specified. Sim-

ilar to the non-thermal electrons, it is assumed that U rel,i = ζ rel,iU th.

Fits to the radio data are only sensitive to ζ rel,e and constraining ζ rel,i

requires unambiguous detection of the emission from neutral pion-

decay, which has not been attained for CWB systems. Moreover,

the relative injection efficiency of electrons and ions is not known,

while the value of ζ rel,i/ζ rel,e also depends on the spectral index p
(Schlickeiser 2002). Having said this, it is reasonably certain that

DSA transfers considerably less energy into non-thermal electrons

than into non-thermal ions (e.g. Baring et al. 1999), while the relative
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difficulty of accelerating electrons is also consistent with the well-

established value for the ratio of proton to electron energy densities

for Galactic cosmic rays of ∼100 (Longair 1994). In this work, we

somewhat arbitrarily assume that ζ rel,i = 100ζ rel,e, unless otherwise

noted, though the actual ratio in WR 140 could differ significantly.

As a result, our predictions of the γ -ray flux from neutral pion de-

cay and neutrino flux from charged pion decay are highly uncertain.

However, hard upper limits for these fluxes can be obtained due to

the requirement that the total power put into non-thermal particles

must be less than the available kinetic power in the WCR, that is,

ζ rel,e + ζ rel,i � 1.

As non-thermal particles flow downstream, they are subject to

adiabatic losses. This is achieved in an approximate fashion in this

work through the assumption that U rel,e and U rel,i are proportional

to U th. In reality, the adiabatic indices for thermal and relativistic

plasma differ, and adiabatic expansion also reduces the Lorentz fac-

tor of the particles. While neither of these effects is treated properly

in our model, the specific parametrization we have chosen will not

lead to significant errors in the resulting non-thermal radio emission.

This is because IC cooling is so rapid for high-energy electrons that

synchrotron emission above ∼1 GHz is largely confined to a thin

region near the shocks, where the effects of adiabatic expansion of

the flow are minimal. Likewise, the radiation from pion decay is

concentrated near the apex of the WCR.

2.2.2 The magnetic field

If the field is frozen into the post-shock plasma of density ρ, one

would anticipate B ∝ρ (U B ∝ρ2), but amplification of the magnetic

field by the accelerated particles (e.g. Bell 2004) and/or reconnec-

tion complicates this simple scaling. This also implies that it is not

necessarily straightforward to determine the B-field in the WCR

from assumptions about the strength of the surface magnetic field at

each star. Indirect evidence for amplification has recently been ob-

tained in several SNRs (e.g. Berezhko et al. 2003; Berezhko & Völk

2004; Ellison & Cassam-Chenaı̈ 2005). Instead, for convenience,

we have assumed that the magnetic energy density is proportional

to the thermal particle energy density, that is, U B = ζ BU th. This

choice is equivalent to some amplification in the downstream flow,

but we have verified that there is little difference in the shape of

the synchrotron spectrum between these two methods. Compared

to other work where the B-field is assumed to be spatially invariant,

this approximation at least has the benefit that the B-field declines

away from the symmetry axis. Undoubtedly, a better description for

the B-field will be obtained in future MHD models of the WCR.

Our final assumption is that the post-shock B-field is highly tangled

so that the synchrotron emission is isotropic.

2.2.3 Limits on ζ B and ζ rel,e

When modelling the radio emission from specific systems, ζ B and

ζ rel,e are chosen to best match the observed radio emission. As

ζ B decreases, the value of ζ rel,e has to increase to reproduce an

observed radio flux. A lower limit on ζ B can be obtained from the

fact that the Razin turnover frequency, νR, increases with declining

ζ B (νR ≈ 20n e/B, where ne is the electron number density and the

magnetic field, B = √
8πUB), or because the value of ζ rel,e required

to match an observed flux exceeds the available power for particle

acceleration in the WCR. An upper limit on ζ B is obtained from

the necessary conditions for particle acceleration (see Eichler &

Usov 1993). Since there is currently little guidance for the ratio of

ζ B/ζ rel,e in CWB systems, we consider this to be a free parameter

in our models, subject to the above constraints.

2.3 Maximum energy of non-thermal particles

The maximum value of γ for electrons is obtained by balancing

the rate of energy increase from DSA to the rate of energy loss by

IC cooling (e.g. see equations 4 and 7 in Pittard et al. 2006). This

is spatially dependent on the geometric dilution of both the stellar

radiation and the magnetic fields, and also dependent on orbital

phase for binaries with eccentric orbits, like WR 140. An evaluation

of these equations at the points where the shocks intersect the line

of centres through the stars reveals that γ max ∼ 105 at orbital phase

0.837 for sensible values of B. Most of the wind power passing

into the WCR occurs within an off-axis distance of ∼2r O from

the line of centres (Pittard & Stevens 2002), and one expects that

most of the energy transfer into non-thermal particles must occur

within this volume too. The value of γ max evaluated at a position

on the shock front at the extremity of this region is only 25 per

cent higher than on the line of centres if the magnetic field strength

is assumed to decline as 1/r and if there is no dependence on the

shock obliquity (as already mentioned, this is not well defined if the

level of magnetic turbulence is at the Bohm limit). Therefore, for

simplicity, throughout this work it is assumed that γ max(electrons) =
105 along the entire shock fronts.

While the above evaluation was for the Thomson limit, at such

energies IC losses occur in the Klein–Nishina regime, and the spec-

tral distribution as well as the cut-off energy will change. However,

in the calculations in this paper, IC cooling is so rapid near the apex

of the WCR that the downstream population of non-thermal elec-

trons in this region is essentially independent of whether Thomson

or Klein–Nishina cross-sections are used. Thus, the IC emission and

our predictions for the γ -ray fluxes are essentially identical too, with

the exception that the high energy cut-off is sensitive (by a factor of

the order of 2) to such details.

The maximum non-thermal ion energy is set by balancing the

time-scale of their acceleration to their advection time-scale out of

the system. Following Bednarek (2005),1

γmax(ions) = 3ZeBrOv

c3 Amp

, (2)

where Ze and Amp are the charge and mass of the ion, and B and v

are the pre-shock magnetic field and wind speed, respectively. For

wide binaries where the pre-shock magnetic field declines as 1/r ,

γ max(ions) is expected to be independent of D.

For the models considered in this paper, γ max(ions) ∼ 105, so

for convenience, we set γ max = 105 for both the electron and the

ion distributions in the remainder of this work. The predicted γ -ray

flux is, of course, sensitive to the value of γ max chosen for both the

electrons and the ions. In addition, γ min = 1 is assumed.

2.4 Composition of non-thermal nuclei

In the simplest test-particle calculations of DSA, that is, with no

feedback, all particles accelerated in a given shock will have iden-

tical power-law spectral shapes in momentum, regardless of their

charge, and the non-thermal particle composition reflects the com-

position of thermal particles. However, in non-linear models, the

1 In equation (3) of Bednarek (2005), the denominator should have a factor

c3 as shown here in equation (2).
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spectral shape and injection and acceleration efficiencies are de-

pendent on the ionic species. Ions with large mass-to-charge ratios

(A/Qs) diffuse further upstream than protons of the same energy per

nucleon (provided that both are non-relativistic), and are accelerated

more efficiently and obtain a flatter spectrum because they ‘see’ a

larger velocity difference and are more easily injected to suprather-

mal energies. Among the volatile elements, observational support

comes from Galactic cosmic rays, which show an enhancement of

heavier elements relative to lighter ones (Meyer, Drury & Ellison

1997). A general enhancement of the refractory elements relative

to the volatile ones is also apparent from the Galactic cosmic ray

composition (Meyer et al. 1997). This has been explained by accel-

eration of dust grains (which can have huge A/Qs of ∼104–108),

followed by the sputtering of atoms from these grains. However,

the harsh ultraviolet (UV) radiation fields in CWB systems makes

it unlikely that dust grains can form near the head of the WCR,

so an enhancement of refractory elements is not expected. Several

CWB systems, including WR 140, show observational signatures of

either episodic or continuous dust formation (e.g. Williams 1996;

Tuthill, Monnier & Danchi 1999; Marchenko et al. 2002), though in

all cases the dust is thought to form well downstream of the apex of

the WCR. Observations have further revealed that the relative abun-

dance of heavy ions increases with energy (see Bykov & Toptygin

2001; Hillas 2005). This is supported by the results from non-linear

models where variation with shock speed and Mach number is also

seen (Ellison, Drury & Meyer 1997). It is also possible that shock

obliquity may influence the non-thermal particle composition.

High-energy heavy nuclei may also lose nucleons due to colli-

sions with stellar photons, that is, by photodisintegration. This oc-

curs if the photon energy in the reference frame of the nuclei, E γ =
3k BT γ (1 + cos θ ), exceeds ∼2 MeV (Bednarek 2005). Here, T is

the temperature of the radiation field. In WR 140, this process ap-

plies to nuclei with γ � 8.5 × 104, and is only likely to affect a

small part of the top end of the non-thermal particle distribution.

In addition, an estimate of the ratio of the characteristic photodis-

integration time-scale to the acceleration and advection time-scales

reveals that photodisintegration is not efficient for particles with

γ � 105 in WR 140 at the orbital phase considered in this work. The

fragmentation of high-energy nuclei through collisions with thermal

ions is likewise negligible.

Given the uncertainties discussed earlier, we adopt the following

simplifications. (i) Identical spectra for all non-thermal particles,

(ii) identical composition to that of the thermal particles, and (iii)

no dependence on the shock obliquity.

3 N O N - T H E R M A L X - R AY A N D γ- R AY
E M I S S I O N A N D A B S O R P T I O N

The presence of non-thermal electrons and ions should give rise

to X-ray and γ -ray emissions from several separate mechanisms,

including IC scattering, relativistic bremsstrahlung, and pion de-

cay (the non-thermal electrons are not energetic enough to produce

synchrotron X-ray emission). While definitive evidence for non-

thermal X-ray and γ -ray emissions from CWBs does not yet exist,

many of the yet unidentified Energetic Gamma Ray Experiment
Telescope (EGRET) sources appear correlated with populations of

massive stars (Romero, Benaglia & Torres 1999), and some systems

appear to show a power-law tail extending to higher energies than

the thermal X-ray emission (De Becker et al. 2004b; Viotti et al.

2004). A critical question is whether the non-thermal X-ray and γ -

ray fluxes from CWB systems are sufficiently high to be detected

with instruments onboard current observatories, and instruments on

observatories that will be operational in the near future.

Previous predictions of the IC emission have usually been based

on the fact that the ratio of the luminosity from IC scattering to the

synchrotron luminosity is equal to the ratio of the photon energy

density, Uph, to the magnetic field energy density, UB:

L ic

L sync

= Uph

UB

. (3)

Typically, the ratio of U ph/U B is evaluated only at the stagnation

point, whereas in reality the emission is generated throughout the

WCR, with U ph/U B varying spatially. In addition, Lsync is usually

set to the observed synchrotron luminosity, whereas free–free ab-

sorption by the extended wind envelopes can be significant (see e.g.

Pittard et al. 2006). In such cases, the intrinsic synchrotron luminos-

ity, and consequently the non-thermal X-ray and γ -ray luminosities,

will be underestimated if radio data, particularly at lower frequen-

cies, are used without regard to free–free absorption (cf. Figs 5, 14

and 15). Furthermore, the predictive power of equation (3) is greatly

undermined by the fact that the magnetic field strength in the WCR

is generally not known with any certainty. Since U B ∝ B2, small

changes in the estimated value of the magnetic field strength, B, can

lead to large changes in Lic (see fig. 3 in Benaglia & Romero 2003).

To obtain a more robust estimate of the IC emission from CWB

systems, the population and spatial distribution of non-thermal elec-

trons must be determined directly. This information can, in princi-

ple, be acquired from model fits to radio data, since the IC emission

arises from the same non-thermal electrons responsible for the syn-

chrotron radio emission. As already noted, an improved theoretical

basis for the modelling of the radio emission from such systems

was developed by Dougherty et al. (2003) and Pittard et al. (2006),

and we use this as the foundation for our calculations of the non-

thermal X-ray and γ -ray emissions. Key benefits over previous work

include a more realistic description of the geometry of the WCR, the

evolution of the energy distribution of the non-thermal electrons as

they advect downstream from their acceleration site, and absorption

of high-energy photons by pair production in the stellar radiation

fields. Our predictions for the expected γ -ray emission are based

on model fits to the available radio and X-ray data, which allow us

to constrain the range of free parameters and build in a degree of

consistency for our estimates.

3.1 IC emission

IC cooling is a major energy-loss mechanism for non-thermal elec-

trons in CWB systems, and the non-thermal X-ray and γ -ray lumi-

nosities should exceed the synchrotron radio luminosity by several

orders of magnitude. In the Thomson regime, the average energy

of a photon after isotropic IC scattering is (Blumenthal & Gould

1970):

hνIC ∼ 4

3
γ 2hν∗. (4)

Since the average photon energy of an early-type star, hν ∗ ∼ 10 eV,

Lorentz factors of the order of 10–104 are sufficient to produce IC

X-ray and γ -ray radiations up to GeV energies. The resulting emis-

sion has a spectral shape which is identical to the intrinsic syn-

chrotron emission at radio frequencies. For our calculations, we

assume that the scattering is isotropic and takes place in the Thom-

son limit. While a more thorough treatment would take account of

Klein–Nishina effects, which are important at high energies, recent

work has shown that the resulting change to the non-thermal elec-

tron energy distribution is rather small when the stellar separation is
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�2 × 1014 cm (Reimer, Pohl & Reimer 2006). This condition is

satisfied in WR 140 between orbital phases φ = 0.1 and 0.9, and

also in wider binaries like WR 146 and WR 147.

Consideration should also be given to the anisotropic nature of the

IC process, where the emitted power is dependent on the scattering

angle. However, if the O star is in front of the WR star (which is the

case for WR 140 at φ = 0.837 – see Section 4), the variation in the

resulting emission is less than a factor of 2.5 (Reimer et al. 2006).

In Section 4.4.1, we show that the other uncertainties affecting the

IC emission, such as the value of ζ rel,e determined from fitting the

radio data, are at least comparable in magnitude, so we leave this

issue to future work.

3.2 Relativistic bremsstrahlung

Bremsstrahlung radiation is produced when a charged particle is

accelerated in the Coulomb field of another charged particle. It is

possible to obtain emission at γ -ray energies if one of the particles is

relativistic, since photons of energy comparable to that of the emit-

ting particle can be produced. Inverse bremsstrahlung, produced by

collisions between high-energy ions and thermal electrons, is an

insignificant contribution to the total emission, unless the ratio of

the energy density of non-thermal ions to electrons is very high.

Therefore, we concentrate on emission produced by collisions be-

tween non-thermal electrons and thermal electrons and ions. A more

detailed discussion can be found in Baring et al. (1999).

The rate of photon production in the energy interval between εγ

and εγ + d εγ by an electron of kinetic energy Ee is

dnγ (Ee, εγ )

dt
= ve

[
neσee(Ee, εγ ) +

∑
i

ni Z 2
i σep(Ee, εγ )

]
, (5)

where εγ is the photon energy in units of m ec2, ve is the relative

velocity of the colliding particles, ni and ne are the number den-

sity of ions and electrons, respectively, and Z i is the charge of the

ion. The electron–proton cross-section, σ ep, is the Bethe–Heitler

cross-section evaluated in the Born approximation. We determine

σ ep for any electron energy, relativistic or non-relativistic, using

equation 3BN in Koch & Motz (1959), and omit the Coulomb cor-

rections at low energies. The cross-section for electron collisions

with fully ionized ions has a Z 2 charge dependence, accounting for

the factor in equation (5). For the electron–electron cross-section,

σ ee, the approach noted in Baring et al. (1999) is followed.

For γ e 	 1 and εγ 	 1, the cross-sections depend only on the

particle’s charge and not its mass, so σ ep = σ ee. The ratio of the

electron–electron to electron–ion contributions is then simply

ne∑
i Z 2

i ni
. (6)

For material with solar abundances this ratio is ≈0.86, while in the

shocked WR wind of WR 140 it is ≈0.47 (see Section 4). At high en-

ergies, the bremsstrahlung spectrum (in units of photons s−1 cm−2)

has a spectral index which reflects that of the non-thermal particles,

that is, p.

3.3 π 0 decay

High-energy hadronic collisions can create neutral pions which sub-

sequently decay into two γ -ray photons, for example, p + p →
π 0 + X , π 0 → γ + γ . The final stage has a branching ratio of

≈98.8 per cent (the decay π0 → γ + e+ + e− accounts for the other

1.2 per cent). The pion decay process yields information on the

population of non-thermal nucleons, in contrast to the IC and

bremsstrahlung processes where the emission is dependent on the

population of non-thermal electrons.

The cross-section for hadronic collisions depends on the ionic

species involved, so we first consider the π0 emissivity from proton–

proton collisions. The production rate for neutral pions of energy E π

per thermal proton can be easily evaluated using a δ-functional ap-

proximation for the differential cross-section (Aharonian & Atoyan

1996):

qπ (Eπ ) =
∫

δ(Eπ − fπ Ek)σpp2(E)J (E) dE, (7)

where Ek is the kinetic energy of the non-thermal protons, f π is the

fraction of the kinetic energy of the non-thermal proton which is

transferred to the π 0 meson, σ pp2 is the total inelastic cross-section

(Aharonian & Atoyan 1996), and J(E) is the flux of non-thermal

protons of total energy E (protons s−1 cm−2 GeV−1). Here, only the

contribution to the γ -ray emission from the neutral pion is consid-

ered. After the interaction, the non-thermal proton keeps approxi-

mately half of its energy, while the other half goes to pions. On av-

erage, the neutral pion gets approximately one-third of this energy,

or approximately one-sixth of the energy of the non-thermal proton,

so f π = 0.17. Thus, equation (7) becomes (pions s−1 GeV−1 H−1):

qπ (Eπ ) = 1

fπ
σpp2(E)J (E). (8)

The γ -ray emissivity (photons s−1 GeV−1 H−1) is then

qγ (Eγ ) = 2

∫ ∞

Emin

qπ (Eπ )√
E2

π − mπ
2c4

dEπ , (9)

where E min = E γ + mπ
2c4/4E γ and mπ is the mass of the neutral

pion (134.9766 MeV/c2).

In CWB systems, we must account for the composition of non-

thermal and thermal ions. For collisions involving two nuclei with

atomic weights A1 and A2, the cross-section is (Orth & Buffington

1976):

σ ∼ (
A3/8

1 + A3/8
2 − 1

)2
σpp2. (10)

This prescription is appropriate for proton–helium interactions, but

its validity for heavy nuclei, such as Fe, is unclear. It is adopted

here since its potential inaccuracy is small compared to the other

uncertainties and assumptions in this work. In the case of WR stars,

such as WR 140, the wind contains little or no hydrogen, and the

cross-section for pion decay is best calculated relative to the He–He

cross-section σ αα = 5.6σ pp2.

Considering only protons and helium nuclei, an enhancement to

the pion production rate, in equation (8), of 1.61 is obtained for

material of solar composition. Greater enhancements are obtained

for the nuclear processed material in WR winds. For example, if

collisions involving He, C, O and Ne are considered for the WC7

wind abundances in WR 140 (see Section 4.2.1), then σ ∼ 1.4 σ αα ∼
7.8 σ pp2.

3.4 γ-ray absorption

γ -rays above a suitable threshold energy may create electron–

positron pairs via an interaction with a lower-energy photon or with

charged nuclei. While the latter process has an insignificant optical

depth in CWB systems, in contrast the high stellar radiation en-

ergy density may be a significant source of opacity to high-energy

γ -rays. The probability of absorption depends on the cosine of the
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Figure 2. The optical depth from two-photon pair production as a function

of the non-thermal photon energy for a single line of sight from the stagnation

point of the WCR in WR 140. The shape of the curves reflects the Planck

distribution for the stellar photons (T = 45 000 K). We show calculations

at φ = 0.837 for models A and B (see Section 4). In each case, only the

photons from the O star are considered. The energy of peak absorption is a

function of the viewing angle, θ , and increases as θ decreases.

angle between the directions of the two photons, μ. For a high-

energy photon of energy, E γ , interacting with a stellar photon of

energy ε, the optical depth is given by

dτ

dr
=

∫
σ (χ )(1 − μ)n(ε, μ, r ) dε dμ, (11)

where χ = √
Eγ ε(1 − μ)/2 is the centre-of-momentum frame

energy2 scaled by m ec2,

σ (χ ) = πr 2
e

χ6
[(2χ4 + 2χ 2 − 1) ln(χ +

√
χ 2 − 1)

−χ (1 + χ 2)
√

χ 2 − 1], (12)

where r e = e2/m ec2, and n(ε, μ, r ) is the number density of stellar

photons. The threshold for pair production, and thus for absorption,

is χ � 1.

In wide CWBs, it can be assumed that the stars are point-like,

and that the stellar photons stream radially away from each star.

This allows the (1 − μ) term to be taken out of the integral in

equation (11). The optical depth as a function of non-thermal photon

energy from the stagnation point to an observer for two models of

WR 140 is shown in Fig. 2. Table 1 summarizes some key parameters

of these models.

Of the two models shown in Fig. 2, both the shock apex and the

line of sight from the apex are closer to the O star in model B. The

greatest opacity occurs at ∼100 GeV, where optical depths as high

as ∼25 (model B) may be reached. At lower and higher energies,

the optical depth decreases, and optical depth unity occurs at ap-

proximately 50 GeV and 5 TeV for model A, and at approximately

20 GeV and 40 TeV for model B. In practice, the effective optical

depth is likely to be somewhat smaller due to the spatial extension

of the emission region. More accurate calculations using radiative

transfer along multiple lines of sight are presented in Section 4.4.

The CWB system WR 146, which has a wider stellar separation,

is expected to have a maximum optical depth to pair-production of

2 The equation for χ contains a typo in Baring & Harding (1997).

∼1. In WR 147, which is wider still, the attenuation is negligible.

Similar conclusions have also been noted by Reimer et al. (2006).

4 N O N - T H E R M A L E M I S S I O N M O D E L S
O F W R 1 4 0

In this section, we apply our model to WR 140 (HD 193793), the

archetype of long-period CWB systems. WR 140 consists of a WC7

star and an O4-5 star in a highly elliptical orbit (e ≈ 0.88), and is well

known for the dramatic variations in its emission from near-infrared

to radio wavelengths (Williams et al. 1990; White & Becker 1995),

and also at X-ray energies during its 7.9-yr orbit (Zhekov & Skin-

ner 2000; Pollock, Corcoran & Stevens 2002; Pollock et al. 2005).

The variability appears to be linked to the WCR, which experiences

significant changes as the stellar separation varies between ∼2 au

at periastron and ∼30 au at apastron. The observed radio emission

increases by up to two orders of magnitude between periastron and

a frequency-dependent peak between orbital phases 0.65 and 0.85,

followed by a steep decline. The decline of the radio emission prior

to periastron is consistent with the extinction suffered by the X-ray

emission at these orbital phases. The X-ray light curve does not fol-

low the expected 1/D variation for an adiabatic WCR (Pollock et al.

2002), which may indicate that the WCR becomes radiative near pe-

riastron (Varricatt, Williams & Ashok 2004). It is also possible that

this discrepancy is caused by a substantial amount of the available

energy in the wind–wind collision being placed into non-thermal

particles, with the efficiency varying as a function of phase, though

we believe that this scenario should be considered as less likely.

WR 140 is also notable for its possible association with an uniden-

tified EGRET source, lying on the outskirts of the positional er-

ror box of 3EG J2022+4317 (Romero et al. 1999). The error box

has a radius of ≈0.◦7, but WR 140 is the only known high-energy

source in the vicinity. 3EG J2022+4317 has a flux of (24.7 ± 5.2) ×
10−8 photons s−1 cm−2, and a photon spectral index � = 2.31 ± 0.19

[where N (E) ∝ E−�] (Hartman et al. 1999). The variability of 3EG

J2022+4317 is discussed in some detail by Benaglia & Romero

(2003). Since it was only detected in three out of 12 observing pe-

riods (at approximate orbital phases 0.97, 1.00 and 1.16), the upper

limits of the remaining observations may hide real variability.

It has been suggested previously that better agreement may be

obtained between observed and modelled radio light curves if the

wind of the WR star is disc-like (White & Becker 1995), but a

specific (and unusual) orientation is required for consistency with

polarization measurements (see Marchenko et al. 2003, and dis-

cussion therein), and there is no evidence for such a disc in X-ray

observations (Pollock et al. 2002). In the following, it is assumed

that the undisturbed wind is isotropic.

4.1 Details of the model

Our calculations of the observed thermal and non-thermal emissions

from CWB systems are based on the density and temperature distri-

bution obtained from 2D hydrodynamical simulations of the stellar

winds and their collision (see Dougherty et al. 2003; Pittard et al.

2006). At radio frequencies, both the stellar winds and the WCR

contribute thermal emission and absorption. The free–free emission

and absorption coefficients are determined from the local temper-

ature and density values on the hydrodynamic grid, and clumping

is accounted for (see Section 4.2.4). The non-thermal emission is

modelled after specifying the population and spatial distribution of

non-thermal particles, as noted in Section 2. Additional details re-

lating to the hydrodynamical code, and the method and assumptions
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used to obtain the various emission and absorption coefficients in

each cell, can be found in (Pittard et al. 2006) and references therein.

The assumption of axisymmetry in our 2D models is good until

orbital phases of ∼0.97, as the orbital eccentricity is so high. Since

radiative braking (Gayley, Owocki & Cranmer 1997) or inhibition

(Stevens & Pollock 1994) is not expected to be important, the wind

speeds are assumed to be constant. The calculations are performed

on a grid with 1600 × 800 cells, which spans the range 0 � r �
4 × 1015 cm, −4 × 1015 � z � 4 × 1015 cm, and is large enough

to capture the vast majority of the radio and X-ray emissions from

the WCR, though inevitably the models underestimate the radio

flux at the lowest frequencies considered. The line of sight into the

system is specified by the angle θ , which is measured from the

line perpendicular to the line of centres of the two stars: θ = +90◦

corresponds to the O star in front of the WR star, θ = 0◦ corresponds

to quadrature, and θ = −90◦ corresponds to the WR star in front of

the O star.

4.2 Parameters of WR 140

Recent high-resolution Very Long Baseline Array (VLBA) obser-

vations at 8.4 GHz between orbital phases 0.7 and 0.9 have pro-

vided important new constraints to models of WR 140 (Dougherty

et al. 2005). An arc of emission is observed, resembling the bow-

shaped morphology expected for the WCR, and rotates as the orbit

progresses. This rotation allows derivation of the orbit inclination

and semimajor axis, leading to a geometric distance determination

(1.85 ± 0.16 kpc) that is independent of stellar parameters. This

distance is greater than that previously thought, and implies that the

O star is a supergiant. Therefore, we adopt log (L bol/L�) = 6.18

and v∞ = 3100 km s−1 for the O4-5I primary, and log (L bol/L�) =
5.5 and v∞ = 2860 km s−1 for the WC7 secondary (Dougherty et al.

2005). These luminosities are higher than average for the spectral

types. Herrero, Puls & Najarro (2002) and Repolust, Puls & Herrero

(2004) suggested a typical value of 5.7–5.9 for an O4-5 supergiant,

while the mean luminosity for WC7 stars is about 0.4 dex lower

(although the scatter in the absolute magnitude of WC7 stars is

∼1 mag). Therefore, there may be some scope for lowering the

adopted luminosities.

Dougherty et al. (2005) used the models of Zhekov & Skinner

(2000) of the observed thermal X-ray luminosity to derive a mass-

loss rate for the WR star of 4.3 × 10−5 M� yr−1. However, there

are several complicating factors, such as the inadequate constraints

on the composition of the WC7 wind and on the wind-momentum

ratio, η. As η increases, the opening angle of the WCR increases,

and a greater fraction of the WC7 wind is shocked, resulting in

an increase in the X-ray luminosity if the mass-loss rate of the

WR star is unchanged. There is also the possibility of some degree

of shock modification. These issues are explored in the following

sections, leading to improved estimates of the mass-loss rates and

η in WR 140.

4.2.1 WR wind composition

The thermal X-ray emission is largely from the shocked WR star

wind (Pittard & Stevens 2002). Hence, it is particularly sensitive

to the abundance of He and C, since the free electrons are largely

stripped from these elements. For a pure He and C wind, the con-

tinuum flux scales as [22 + (C/He)62], where C/He is the ratio of

abundance by number of C and He (Pollock et al. 2005). Unfortu-

nately, the mass fraction of C in WC stars spans the range 0.2–0.6,

with no strong sensitivity with spectral type. In this work, we as-

sume that C/He = 0.25 by number (C = 0.4 by mass), as the ratio of

C IV 5471/He II 5411 is comparable to that in WR 90 (Dessart et al.

2000; P. Crowther, private communication). We note that Eenens &

Williams (1992) had previously measured C/He = 0.15 for WR 140.

The O abundance in WC stars is also poorly constrained, though

the number ratio of O/He is estimated as 0.03 ± 0.01 for WR 90

(WC7) and WR 135 (WC8) (Dessart et al. 2000). Since Hillier &

Miller (1999) had earlier obtained O/He = 0.1 for WR 111 (WC5),

we adopt O/He = 0.05 (O = 0.1 by mass). Our values for C/He and

O/He lie within the range considered by Pollock et al. (2005), while

we note that in comparison Zhekov & Skinner (2000) adopted C and

O abundances which are below the lower end of the ranges noted

above. With these assumptions, the mass fractions of hydrogen, he-

lium and ‘metals’ (X, Y and Z, respectively) for the WC7 wind are

X = 0.0, Y = 0.5 and Z = 0.5, respectively. Solar abundances are as-

sumed for the O star (mass fractions X = 0.705, Y = 0.275 and Z =
0.020). Both winds are assumed to have a temperature of 10 000 K,

with an ionization structure of H+, He+, and CNO2+.

4.2.2 Collisionless shocks – electron thermalization,
non-equilibrium ionization, and shock modification

Previous models of the X-ray emission from the WCR in wide CWB

systems have usually assumed that the shocks are collisional, with

immediate equilibration of the post-shock electron and ion tem-

peratures. However, in reality they are collisionless (e.g. Draine &

McKee 1993), and there is growing observational evidence that in

such shocks the ratio of post-shock electron to ion temperature,

T e/T i, is a function of the shock speed (e.g. Rakowski 2005). Tem-

perature equilibration through Coulomb collisions and plasma in-

stabilities then occurs some distance downstream. This process has

been examined in WR 140 by Zhekov & Skinner (2000) and Pol-

lock et al. (2005), and can naturally account for the observed soft

X-ray continuum emission. Since the ionization time-scale is of the

same order as the time-scale for energy transfer from ions to elec-

trons, it is not surprising that observations of WR 140 also indicate

that the post-shock plasma has yet to reach ionization equilibrium

(Pollock et al. 2005), and that line-profile models which assume

rapid ionization equilibrium (Henley, Stevens & Pittard 2003) are

unable to reproduce the observed correlation of X-ray linewidths

with ionization potential (Henley 2005).

Despite this progress, the physics of the heating process in the

shock layer remains poorly understood, and shocks which are ef-

ficient at accelerating particles may equilibrate their electron and

ion thermal populations more rapidly, in addition to reducing the

equilibrium value of T e and T i (Ellison et al. 2004). In this case,

the X-ray spectrum is softened due to the reduction in the post-

shock electron temperature behind a weaker subshock (see Fig. 1).

It is unclear whether, and to what extent, shock modification may

occur in WR 140, but this mechanism could potentially play some

role in creating the low value of T e observed. A simple calculation

reveals that even if particle accleration is highly efficient, the non-

thermal particles in the precursor would have a negligible effect on

the ionization of the pre-shock gas, consistent with the observed

lack of line emission near the wind terminal speeds (Pollock et al.

2005).

A full understanding of WR 140’s spectrum will eventually re-

quire a detailed hydrodynamical model which accounts for the large

post-shock equilibration time-scales of the plasma ionization and

electron and ion temperatures, combined with the acceleration of
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non-thermal particles and their effect on the shocks bounding the

WCR and both the upstream and downstream flows (e.g. Pollock

et al. 2005). As the development of such models is not trivial, here the

synthetic X-ray spectra are calculated from models of unmodified

collisional shocks. Given this simplification and the uncertainties

described above, we adopt a rather pragmatic approach, and con-

centrate on obtaining a comparable flux at ∼3 keV. Absorption is

negligible at this energy at the chosen phase (see Fig. 18) for reason-

able viewing angles, while at higher energies the relative softness

of the observed emission is clear evidence for T e < T i, with the

(less likely) possibility that shock modification also plays a role (see

Fig. 4).

The fact that the thermal X-ray luminosity from the WCR, LX,

scales as Ṁ2 when the post-shock gas is largely adiabatic means that

even if shock modification occurs, and were to lead to fairly sub-

stantial (e.g. a factor of 2) changes in LX, mass-loss rates derived

from models with unmodified shocks will be much less affected.

Moreover, the inferred mass-loss rates are largely insensitive to the

assumption of T e = T i. For instance, setting T e = 0.5T i throughout

the entire WCR reduces the emission at 3 keV by 23 per cent com-

pared to a model with T e = T i. An increase of only 14 per cent in

the mass-loss rates is required for the original flux to be regained. In

this way, we can still obtain useful estimates of the stellar mass-loss

rates from the modelling work which follows.

4.2.3 WR mass-loss rate from thermal X-ray models

Having specified the composition of the winds (Section 4.2.1) and

unmodified, collisional shocks (Section 4.2.2), theoretical calcula-

tions of the X-ray emission, based on axisymmetric 2D simulations

of the stellar winds and the WCR, can now be made. The X-ray emis-

sivity is calculated using the MEKAL emission code (Mewe, Kaastra

& Liedahl 1995, and references therein) for optically thin thermal

plasma, and ionization equilibrium and rapid thermalization of the

electrons is assumed.

The intrinsic (i.e. prior to any absorption) X-ray emission calcu-

lated from a model of the WCR with a fixed WC7 mass-loss rate,

but for two different values of η, is shown in Fig. 3. As η increases,

the X-ray flux increases, as explained earlier. Clearly, in order that

the X-ray flux calculated from hydrodynamical models of the WCR

is comparable to observations, the mass-loss rate of the WC7 star

must be adjusted as η is varied.

There have been a number of X-ray observations of WR 140 in

recent years, and we choose to use an ASCA observation taken on

1999 December 20 (φ = 0.837). At this phase, the X-ray luminosity

is climbing rapidly (Pollock et al. 2002), while the radio emission

is around its maximum intensity, and the stellar separation (D =
3.13 × 1014 cm, see Dougherty et al. 2005) is sufficiently large that

the shocked gas in the WCR is approximately adiabatic, allowing

easy adjustment of the model mass-loss rates in order to obtain

a specific X-ray flux. The mass-loss rates required to match the

observed X-ray emission at φ = 0.837, as a function of η, are noted

in Table 2. Fig. 4 demonstrates that the X-ray emission from two of

these models is comparable to the observed emission at ∼3 keV, as

required. Models of the radio emission (Section 4.3.2) indicate that

η is likely to have a value near the lower end of the range covered by

Table 2. This implies that the mass-loss rate of the O4-5 supergiant

in WR 140 is lower (≈8 × 10−7 M� yr−1) than the suggested values

in Repolust et al. (2004) (8.6–8.8 × 10−6 M� yr−1). However, an

order of magnitude reduction in the mass-loss rate is consistent with

the recent estimates of Fullerton et al. (2006).
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Figure 3. Comparison of the intrinsic thermal X-ray emission calculated

from hydrodynamical models of the WCR in WR 140 at φ = 0.837 for two

different values ofη, assuming unmodified collisional shocks (Section 4.2.2).

η = 0.22 (top) and η = 0.0353 (bottom). In these calculations, the mass-

loss rate of the WC7 star and the terminal wind speeds were fixed (ṀWR =
4.3×10−5 M� yr−1, v∞,WR = 2860 km s−1, v∞,O = 3100 km s−1), while

the mass-loss rate of the O star was varied according to the desired value of

η. The continuum flux is also sensitive to the adopted abundance of the WR

wind (see Section 4.2.1).

Table 2. The mass-loss rates (in units of 10−6 M� yr−1) required to match

the observed X-ray flux at 3 keV and φ = 0.837 as a function of η. Column 4

indicates lower limits for the volume-filling factor, f , of clumps in the winds,

as determined from a comparison between the X-ray and the radio derived

mass-loss rates (Section 4.2.4). For simplicity, we assume that the two winds

have the same values of f . Recent analyses of O star winds indicate that

f ∼ 0.02–0.1 (see Fullerton et al. 2006, and references therein). Columns

5–7 note approximate values of θ for which the lines of sight are parallel to

the asymptotic opening angles of the WR shock, contact discontinuity, and

O shock.

η ṀWR ṀO f θ WR θ CD θ O

(◦) (◦) (◦)

0.02 43.3 0.80 0.199 41 59 90

0.0353 33.3 1.09 0.118 35 54 79

0.055 27.2 1.38 0.079 30 49 71

0.0825 23.2 1.76 0.057 25 42 65

0.11 20.2 2.05 0.043 19 38 56

0.16 17.2 2.54 0.031 11 32 52

0.22 14.9 3.02 0.024 4 27 48

We note that Pollock et al. (2005) determined ṀWR ∼ 1.5 ×
10−5 M� yr−1 from the degree of circumstellar absorption observed

by Chandra near periastron. While this value is independent of the

clumping in the winds, it is likely to be a lower limit since the

overall absorption of emission from the WCR is probably somewhat

less than that occurs for emission near the apex of the WCR. This

method will also underestimate ṀWR if there are regions of O star

wind between the observer and the WR star at this phase due to the

curvature of the WCR induced by the orbital motion of the stars.

Therefore, it is argued that the range of values of ṀWR considered

in our models is consistent with this constraint (see Table 2), and

does not preclude values of η as low as 0.02.

Due to the relatively low abundance of C and O assumed by

Zhekov & Skinner (2000), their derived mass-loss rates for η =
0.0353 are higher than ours (cf. their model A and AA), even though
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Figure 4. The intrinsic thermal X-ray emission from hydrodynamical mod-

els of the WCR at orbital phase φ = 0.837 with η = 0.22 (dashed line) and

η = 0.02 (dotted line). There is a slight decrease in the hardness of the model

spectra with η, as expected. Also shown is the observed X-ray emission (solid

line). The X-ray emission from the models (at 3 keV) is comparable to the

observed emission, though the latter is softer. As discussed in Section 4.2.2,

this is primarily because T e < T i.

the system distance has since been revised upwards. We also note

that the wind parameters noted in Dougherty et al. (2005) overpredict

the observed X-ray emission by a factor of about 8.

Given the existing uncertainties with respect to the degree of

shock modification, and the amount of post-shock electron heating

and the time-scale for electron and ion temperatures to reach equilib-

rium, Fig. 4 demonstrates that it is difficult to uniquely determine the

WR star mass-loss rate and η from the X-ray spectrum alone. While

a simpler, and perhaps a more reliable, method of determining η in

CWB systems with highly eccentric orbits involves utilizing the du-

ration of any X-ray ‘eclipse’ (see e.g. Pittard & Corcoran 2002), the

very short eclipse seen in the light curve of WR 140 (Pollock et al.

2005) means that a detailed analysis using 3D hydrodynamical sim-

ulations is probably needed. Therefore, we turn to the high-quality

radio spectra now available to further constrain η (Section 4.3.2).

4.2.4 Wind clumping

There is now considerable observational evidence that the winds of

massive stars are clumpy (e.g. Crowther et al. 2002; Hillier et al.

2003; Massa et al. 2003; Repolust et al. 2004; Fullerton et al. 2006;

Owocki & Cohen 2006). Additional support is provided by mod-

els of radiatively driven winds. Clumping affects the thermal ra-

dio emission from the unshocked winds, though simple arguments

suggest that in wide binaries, where the WCR is largely adiabatic,

clumps are rapidly destroyed upon encountering the WCR (Pittard

et al. 2006). Therefore, in the following models we assume that the

unshocked winds are clumpy (with the same degree of clumping for

both winds), and the WCR smooth.

The degree of clumping may be conveniently parametrized by a

volume-filling factor, f , where it is assumed that the clumps occupy a

fraction f of the wind volume, with the interclump medium being of

negligible density. Radio-derived mass-loss rates of clumpy winds

are related to those of smooth winds by Ṁ = Ṁsmooth/ f 1/2, since

the thermal flux Sff increases accordingly (see e.g. equation 16 in

Pittard et al. 2006). This relationship is more complicated in binaries,

as the degree of clumping may be different for each wind, and

the thermal emission from the WCR may make a non-negligible

contribution to the total thermal emission (see fig. 11 in Pittard

et al. 2006). Nevertheless, we proceed by assuming that the WR

wind dominates the thermal radio emission in WR 140, so that a

value for f can be deduced from a comparison of the X-ray and

radio-derived mass-loss rates. The unclumped estimate of 5.3 ×
10−5 M� yr−1 from Williams et al. (1990) translates into 9.7 ×
10−5 M� yr−1 for a system distance of 1.85 kpc, and leads to the

lower limits for f noted in Table 2. An additional uncertainty is that

the mass-loss rate of Williams et al. (1990) assumes that the radio

flux at φ = 0.0 is entirely thermal, which is far from clear. While

such assumptions should be avoided if at all possible, our approach

is conservative in the sense that the theoretical thermal flux from

the unshocked winds cannot exceed the measured flux at periastron.

Since the total observed flux at φ = 0.837 is approximately 20

times greater at 5 GHz and approximately 5 times greater at 22 GHz

than our estimate of the thermal flux, the models in Section 4.3.2

should not be overly sensitive to our choice of f , although p will be

overestimated slightly if the thermal flux is, in fact, lower than that

assumed. Wind clumping also affects the radius of the τ = 1 surface

(see equation 17 in Pittard et al. 2006). In the clumpy WR wind in

our models, R τ=1 has values of 8.8, 4.0 and 1.8 × 1014 cm at 1.6,

5 and 15 GHz, respectively. This is independent of the variation in

ṀWR with η due to the corresponding variation in f .

4.3 Models of the radio data

We concentrate on obtaining reasonable spectral fits to the radio

data at the same orbital phase (φ = 0.837) at which we determined

potential values for stellar mass-loss rates and corresponding val-

ues of η from the observed X-ray emission (see Section 4.2.3). The

brightness temperature of the radio emission is ≈3 × 107 K at this

phase, so the observed emission is dominated by non-thermal pro-

cesses (Dougherty et al. 2005). Therefore, a good estimate of the

population of relativistic electrons can be obtained, allowing predic-

tions of the non-thermal X-ray and γ -ray emissions. We will apply

our modelling to a variety of orbital phases in a forthcoming paper.

There are several free parameters used to fit the observed radio

emission, including η, the index of the non-thermal electron energy

distribution, p, and ζ rel,e and ζ B, which normalize the model spectra

and the magnetic field strength (and hence the impact of the Razin

effect). The effect of reducing the luminosity of the stars is also

investigated. The line-of-sight angle into the system at φ = 0.837

is specified by the orbit derivation of Dougherty et al. (2005) as

θ = 52◦, though the uncertainty in this value is large (∼10◦) and we

allow θ to vary substantially (±10◦–20◦) in our models.

4.3.1 Parameter study

Before attempting a fit to the φ = 0.837 data, it is instructive to

examine how the model spectra vary with θ , η, p, ζ B, and Lbol.

Fig. 5 shows how the model synchrotron spectra change as θ (and

hence the free–free absorption along the line of sight) is varied, for

models with η = 0.11, p = 2.0, ζ rel,e = 0.215, and ζ B = 2.6 ×
10−4. The Razin effect produces a turnover at about 2.3 GHz, while

the high-frequency emission from each model tends to the same

slope as the free–free attenuation becomes negligible. The sensitiv-

ity of the spectrum at low frequencies to changes in θ is expected,

since the size of the radio photosphere is larger than the stellar sep-

aration. At high frequencies, the radio photosphere is smaller and

has a commensurately weaker influence on the absorption of emis-

sion from the WCR. The synchrotron emission is least affected by
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Figure 5. The influence of θ on the observed synchrotron emission. All

models have η = 0.11, p = 2.0, ζ rel,e = 0.215, and ζ B = 2.6 × 10−4. The

lines of sight are through the WR wind when −90◦ < θ � 19◦, through the

WCR when 19◦ � θ � 56◦ and through the O wind when 56◦ � θ < 90◦,

as indicated by the long-dashed, short-dashed and dotted lines, respectively

(see Table 2). The intrinsic synchrotron emission is indicated by the solid

line.

free–free absorption when θ ≈ 20◦ (i.e. when the lines of sight are

roughly parallel to the asymptotic angle of the WR shock), and the

turnover frequency is the same as that of the intrinsic synchrotron

emission. A dramatic increase in the level of free–free absorption

occurs as θ decreases and the WR wind moves in front of the WCR,

with maximum absorption at θ = −90◦ (i.e. WR star in front). For

θ � 20◦, free–free absorption causes the low-frequency turnover.

As the line of sight swings through the WCR from the WR shock to

the O shock, that is, θ = 20◦ → 56◦, the level of absorption again in-

creases, although in a somewhat complicated fashion as the source

is extended and there are multiple lines of sight. While free–free

absorption determines the slope of the spectrum between 3 and 20–

30 GHz, it is only between 50◦ and 60◦, when the lines of sight move

out of the WCR and into the O wind, that the turnover due to free–

free absorption dominates over the Razin effect, and the turnover

becomes very broad. The turnover frequency increases as the O

wind moves in front of the WCR, that is, as θ → 90◦. The smaller

stellar separation in the models presented here results in free–free

absorption having an influence to much higher frequencies than in

the models shown in fig. 10 of Dougherty et al. (2003).

It is interesting to note that when the lines of sight are through

the WCR, a turndown or ‘kink’ is visible in the spectrum at a few

tens of GHz (this is most clearly seen when θ = 50◦). Typically,

such turndowns are attributed to a change in the non-thermal en-

ergy spectrum. However, it is certainly not the cause here, because

the intrinsic synchrotron spectrum does not display such a kink (al-

though spectral breaks from IC cooling occur in our models, the

break frequency is spatially dependent, and is smoothed out once

the flux is integrated over the entire WCR – see fig. 3 in Pittard et al.

2006). It is clear that lines of sight through the WCR are optically

thin at frequencies above 20–30 GHz, and almost all, if not all, the

synchrotron emission from the WCR is seen.

The variation of the spectra as a function of η is shown in Fig. 6,

where the total emission (synchrotron plus free–free) is displayed. In

this and the following figures, emission between 0.5 and 50 GHz is

examined, since this is approximately the frequency range of the ob-

servations. The spectral variations in Fig. 6 bear some resemblance
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Figure 6. The influence of η on the model radio spectra. IC cooling and the

Razin effect are included in these calculations. Ionic cooling and synchrotron

self-absorption are negligible. All models have θ = 50◦, p = 2.0, ζ rel,e =
0.215, and ζ B = 2.6 × 10−4, though the mass-loss rates and f were varied

according to Table 2. The line of sight is through the WCR in all models

except for η = 0.22, when it is through the unshocked O star wind. The

synchrotron emission from the WCR dominates the free–free emission from

the winds and WCR for the chosen parameters.

to the changes with θ , since as η varies, the relative angle of the lines

of sight to the WCR changes if θ is fixed. For η = 0.055–0.16, the

line of sight is through the lower opacity WCR. When η = 0.22, it is

through the unshocked O wind, and the synchrotron emission from

the WCR suffers more free–free absorption than seen in the other

models, which results in the low-frequency turnover occurring at a

higher frequency (cf. Fig. 5). For the remaining models, the reduced

level of free–free absorption means that the turnover is the result of

the Razin effect, and therefore occurs at approximately the same

frequency in each case (since ζ B is fixed). It is clear from Fig. 6

that the spectral slope between 10–40 GHz steepens as η decreases

(the slight upward curvature in the η = 0.055 model near 40 GHz

is caused by rising free–free emission), which is due to the change

in the relative angle of the lines of sight with respect to the WCR,

as seen in Fig. 5, and the resulting change in the free–free opacity.

While Fig. 6 does not show frequencies as high as Fig. 5, the syn-

chrotron emission tends to a similar slope in all models (since p is

the same in each model) with a slight steepening as η decreases due

to the WCR moving closer towards the O star, and the amount of IC

cooling increasing.

Fig. 7 shows the effect of varying the slope of the non-thermal

electron energy distribution. As p decreases, the slope of the intrin-

sic synchrotron emission increases, resulting in flatter attenuated

spectra. Fig. 8 illustrates the effect of changing ζ B. As ζ B is re-

duced, the spectral index above 4 GHz increases. By decreasing ζ B

(and thus B), the synchrotron emission at a given frequency arises

from non-thermal electrons with higher Lorentz factors (ν ∝ γ 2 B),

and thus samples a steeper slope for the non-thermal electron en-

ergy distribution due to the increased impact of IC cooling at high

γ (see fig. 3 in Pittard et al. 2006). At very low values of ζ B, the

Razin effect becomes the dominant mechanism responsible for the

low-frequency turnover in Fig. 8.

The effect of adjusting the stellar luminosities is shown in Fig. 9.

For simplicity, the luminosity of both stars is adjusted by the same

amount, although the amount of IC cooling is primarily determined
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Figure 7. The influence of p on the model radio spectra. All models have

η = 0.11, θ = 50◦, ζ rel,e = 0.215, and ζ B = 2.6 × 10−4, and the line of sight

is through the WCR.
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Figure 8. The influence of ζ B on the model radio spectra. All models have

η = 0.0353, p = 1.4, and θ = 27◦, and the line of sight is through the

unshocked WR wind. ζ rel,e was adjusted in each model to obtain a specific

flux at 22 GHz.

by the luminosity of the O supergiant. In our model, a power-law

distribution of non-thermal electrons is injected along the entire

shock front with the same initial spectral index and normalization

(relative to the local post-shock thermal energy density – see Sec-

tion 2.2.1). Near the apex of the WCR, there is strong IC cooling

but the cooling weakens away from the apex as the stellar radiation

field density diminishes, and the non-thermal particles can maintain

higher energies. As the Lbol values are reduced, the influence of IC

cooling decreases, the non-thermal electrons are able to keep higher

energies throughout the WCR, and the population of the highest-

energy electrons can exist throughout a larger part of the WCR. The

result is that the spectrum of synchrotron emission, summed over the

entire WCR, becomes less steep. Clearly, a specific spectral slope

can be obtained with a larger value of p if the model values of Lbol

are reduced. For a given energy density of non-thermal electrons

immediately post-shock, a reduction in IC cooling also produces an

increase in the overall flux. It is conceivable that the assumptions

in Section 4.2 may overestimate the stellar luminosities, but with
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Figure 9. The influence of the stellar luminosities on the model radio spec-

tra. Both models had η = 0.11, p = 2.0, ζ rel,e = 0.215, ζ B = 2.6 × 10−4,

and θ = 50◦, and the line of sight is through the WCR.

one exception the models in the rest of this work are based on the

luminosities noted in Table 1.

We have also investigated what happens to the observed syn-

chrotron emission if the emission region is limited to r < πr O/2,

as suggested by Eichler & Usov (1993). We find that the spectral

index is essentially unchanged, and thus our fits for p are robust in

this context, though the flux is diminished to 40–75 per cent of its

previous value due to the reduced size of the emitting region.

4.3.2 Spectral fits at φ = 0.837

Our initial aim was to determine parameter values directly from

model fits to the radio data. Unfortunately, reasonable fits to the data

are possible with a range of parameters. For example, by varying p
and θ similar fits are attained over a wide range of η. Furthermore,

the data can be fitted with either the free–free absorption or the Razin

effect responsible for the low-frequency turnover. However, despite

this degeneracy of models, it is possible to discriminate between

models by using other properties, such as the values of θ and ζ rel,i,

required by each model, which we will discuss later in this section.

Parameters for a variety of model fits are listed in Table 3.

Table 3. Parameters for model fits to the φ = 0.837 radio data. In models

A–F, the low-frequency turnover is due to free–free absorption, while in

models G–J it is due to the Razin effect. The values of θ for which the

lines of sight are parallel to the asymptotic opening angle of the WR shock,

contact discontinuity, and O shock are noted in Table 2.

Model η p ζ rel,e ζ B θ

(◦)

A 0.22 1.4 1.38 × 10−3 0.05 5

B 0.02 1.4 5.36 × 10−3 0.05 35

C 0.11 1.53 2.26 × 10−4 0.5 13

D 0.11 1.4 2.03 × 10−3 0.05 13

E 0.11 1.1 2.79 × 10−2 5.0 × 10−3 14

F 0.02 1.6 1.81 × 10−3 0.05 40

G 0.11 2.0 0.22 2.6 × 10−4 50

H 0.11 1.6 0.15 4.0 × 10−4 44

I 0.0353 1.4 0.14 1.0 × 10−3 58

J 0.22 1.5 0.14 4.0 × 10−4 36
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Figure 10. Model fits to radio data of WR 140 at φ = 0.837. In these models,

which span the range of η considered, the low-frequency turnover is due to

free–free absorption. The data are represented by the solid circles, with fluxes

taken from table 2 of Dougherty et al. (2005); in this and subsequent figures,

we assume that the uncertainty in the absolute flux scale is 5 per cent for

ν � 15 GHz and 2 per cent for ν < 15 GHz (Perley & Taylor 2003). The

model parameters are noted in Table 3, and the line of sight is through the

unshocked WR wind. Model A has η = 0.22, whereas model B has η =
0.02. The low-frequency turnover is shallower in model A, and the high-

frequency total emission has a stronger concave curvature, relative to model

B. The variation of the high-frequency emission is due to differences in the

slope of the synchrotron and free–free emission in both models. The thermal

flux from the unshocked winds and the WCR is ≈4 mJy at 50 GHz in both

models.

Two model fits which span the range of η considered are shown

in Fig. 10. For both the models in Fig. 10, ζ B = 0.05 was assumed.

Lines of sight which have θ marginally less than θ WR are neces-

sary for free–free absorption to cause the low-frequency turnover.

With these restrictions, p = 1.4 is needed to match the slope of the

data points between 5 and 22 GHz. Fits with free–free absorption

dominant over the Razin effect cannot be obtained when the lines

of sight are through the WCR because the free–free absorption is

too low, whereas lines of sight through the unshocked O wind re-

quire p � 2.5 for the non-thermal electron distribution to offset the

synchrotron spectrum between 5 and 22 GHz becoming flatter as

θ → 90◦ and the free–free opacity increases (cf. Fig. 5). While such

values of p are appropriate for modified shocks, the required values

of θ are much too high compared to the value of 52◦ determined by

the orbital solution of Dougherty et al. (2005). In fact, we find that

all model fits with p > 2 are unsatisfactory, with either ζ rel,e or θ

being uncomfortably high.

Since the opening angle of the WCR varies with η, the value of θ

required to match the low-frequency synchrotron turnover varies in

a similar fashion. For the models in Fig. 10, θ is 5◦ for model A and

35◦ for model B (acceptable fits with η between 0.02 and 0.22 can

also be obtained). The value of θ from model A is inconsistent with

52◦ determined by Dougherty et al. (2005) at this phase, and while

in model B it is still different by some considerable margin, it is not

entirely implausible, given the large uncertainty that exists for θ . It

is anticipated that models with η < 0.02 should result in fits with θ

closer to the value determined by Dougherty et al. (2005), but η is

not expected to be lower than ∼0.01 because the mass-loss rate of

the WR star then becomes too large.

The slope of the high-frequency synchrotron emission is sensitive

to both p (Fig. 7) and ζ B (Fig. 8). Since there is almost complete
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Figure 11. Model fits to the radio data at φ = 0.837, again where the low-

frequency turnover is due to free–free absorption (models C, D, and E). Due

to the sensitivity of the slope of the high-frequency synchrotron emission to

both p and ζ B, it is possible to obtain, for a given η, fits of similar quality

with different values of p and B. All models had η = 0.11 (see Table 3).
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Figure 12. Models of the radio data at φ = 0.837 which demonstrate that it

is possible to obtain fits of similar quality with a higher value of p when the

stellar luminosities are reduced. Both models (B and F) had η = 0.02 and

ζ B = 0.05 (see Table 3).

degeneracy between these parameters, a variety of fits with different

families of p and ζ B can be obtained (Fig. 11). For a given η, the

value of θ required to match the low-frequency turnover is largely

unchanged in these fits. If the stellar luminosity is reduced, fits with

a higher value of p can be obtained, as shown in Fig. 12. However,

we are unable to fit the data with η = 0.02 and p = 2, despite making

the other parameters as favourable as possible for this task (e.g. ζ B =
0.05 and luminosities reduced by a factor of 2).

As already noted, we are also able to obtain reasonable fits to

the data when the Razin effect is responsible for the low-frequency

turnover. Again, fits of similar quality can be obtained across a wide

range of η and p, as demonstrated in Fig. 13. In these models, an

attempt was made to match θ as closely as possible to the value

determined from the orbital solution of Dougherty et al. (2005).

Before the relative merits of the models with either the Razin

effect or the free–free absorption being responsible for the low-

frequency turnover are considered, it is worth looking at the
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Figure 13. Model fits to the radio data at φ = 0.837 where the low-frequency

turnover is due to the Razin effect (models G, H, and I). The model parameters

are again noted in Table 3.

1

10

100

1 10

F
lu

x
 (

m
J
y
)

Frequency (GHz)

Figure 14. The amount of free–free absorption affecting the intrinsic syn-

chrotron emission in model A, where the low-frequency turnover is due to

free–free absorption. Various emission components are shown – free–free

flux (long-dashed line), synchrotron flux (short-dashed line), intrinsic syn-

chrotron flux (dotted line), and total flux (solid line). The spectral index of

the intrinsic synchrotron emission is −0.34 between 1.5 and 5 GHz, and

steepens to −0.47 between 15 and 22.5 GHz. This illustrates the effect of

IC cooling, since, for p = 1.4, α = −0.2 is expected.

make-up of each of these models. The intrinsic synchrotron (i.e.

before circumstellar absorption) and the free–free emission compo-

nents to the total flux for model A where the low-frequency turnover

is due to free–free absorption are shown in Fig. 14. The free–free

flux is negligible in comparison to the synchrotron flux, which only

suffers significant absorption at low frequencies. In this case, the

observed synchrotron luminosity between 1 and 40 GHz is roughly

90 per cent of the intrinsic synchrotron luminosity. Somewhat para-

doxically, the intrinsic synchrotron emission from models where

the low-frequency turnover is caused by the Razin effect can expe-

rience more severe free–free absorption, as seen from a comparison

of Figs 14 and 15. This is because the free–free absorption is small-

est when the lines of sight are closely parallel to the WR shock (as

is the case for model A), and is significantly greater when the lines

of sight are deeper within the WCR (e.g. compare the 10-GHz flux

1

10

100

1 10

F
lu

x
 (

m
J
y
)

Frequency (GHz)

Figure 15. As Fig. 14 but for model J, where the Razin effect is responsible

for the low-frequency turnover.

in Fig. 5 when θ = 10◦ or 20◦ with the flux when θ = 40◦ – see

also the dotted curve in fig. 12b in Pittard et al. 2006). The observed

synchrotron luminosity in Fig. 15 is only 40 per cent of the intrinsic

synchrotron luminosity, and in such cases the IC luminosity pre-

dicted using equation (3) will be substantially underestimated if the

absorption is not accounted for.

4.3.3 Synthetic radio images

The spatial distributions of radio emission from models A and B are

shown in the left- and right-hand panels of Fig. 16. In all panels,

the intensity of emission from the WCR exceeds that from the stars,

though the relative amount of free–free emission increases strongly

with frequency. Model A is viewed at low inclination, while model B

is viewed at a somewhat higher inclination (Table 3). The absorption

of emission from the far side of the WCR by the O wind is negligible

in model A, but significant in model B, as is evident by the dearth

of emission near the O star. As expected, this hole is much larger at

1.7 than at 8.4 GHz. The O star is not located at the centroid of the

hole, since the O wind is restricted to one side by the WCR. Those

parts of the WCR with optically thin lines of sight through the outer

envelope of the ‘modified’ O wind are predominantly observed. In

addition, the intensity of the far side of the WCR is highest nearer the

apex. The reduced opening angle of the WCR in model B relative to

model A is clearly visible. IC cooling creates a ‘V’-shaped intensity

distribution in model A, but this is not so clearly seen in model B,

largely due to the difference in viewing angle.

Though not shown here, another important finding is that the

relative position of the stars and the observed peak of the emission

from the WCR are not necessarily related to η, due to the occultation

of the WCR by the O star stellar wind. In fact, as θ increases and

D decreases, the absorption can become so large that the position

of the WCR apex appears closer to the WR star than to the O star,

despite the WR star having the stronger wind. Finally, we note that

no offset between the centres of emission at 1.7 and 8.4 GHz is seen,

contrary to the report by Dougherty et al. (2005).

To more closely compare the model intensity distributions at

8.4 GHz to the VLBA images shown in Dougherty et al. (2005),

we have used the AIPS subroutine UVCON to generate visibilities ap-

propriate for a VLBA ‘observation’ of our models. System noise

estimates were accounted for by including the performance charac-

teristics of the VLBA telescopes, for example, antenna efficiencies,
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Figure 16. Intensity distributions at 1.7 GHz (top panel) and 8.4 GHz (bottom panel) from model A (left-hand panel) and model B (right-hand panel) of

WR 140. The contour levels are spaced apart by 0.5 dex, are chosen to highlight the large-scale structure, and are identical in both models at a specific frequency,

though change with frequency. The positions of the stars are indicated by the crosses (WR star to the upper right-hand side of the O star). The effect of different

wind-momentum ratios and line of sight angles are clearly visible.

system temperatures, etc. The resulting visibilities are then imaged

and deconvolved using standard techniques. The resulting simu-

lated observations are shown in Fig. 17. With perfect data, that

is, no noise, it is possible to distinguish the two different models

(Fig. 17a). However, once appropriate noise has been incorporated,

the situation is quite different as can be seen in Figs 17(b) and (c).

Adopting the same imaging parameters (imaging weights etc.) as

used in Dougherty et al. (2005), the differences between the mod-

els are not apparent. However, applying a more extreme taper to

strongly emphasize the lower spatial frequency content of the vis-

ibility data (Fig. 17c), the different models can just be discerned

by an apparent difference in the opening angle. These synthetic im-

ages show that any curvature in the WCR, from either the free–free

absorption or the wind-momentum ratio, is at best difficult, and

may be impossible, to detect with very long baseline interferometry

(VLBI) observations. It is clearly dependent on the spatial frequency

content and the attainable signal-to-noise ratio of the data. The high-

brightness emission that is detected by VLBI arrays arises predomi-

nantly in the vicinity of the shock apex, where the opening angles of

the shocks have yet to reach their asymptotic values. Even when the

lower surface brightness emission from electrons further down the

post-shock flow can be detected, for example, by arrays with shorter

baselines to recover lower spatial frequency visibilities, the beam of

the array smoothes out the features of the WCR. This led us to call

into question the reliability of values of η derived from these types

of observation.

4.3.4 Discussion of the radio models

In attempting to identify the most-suitable models, it is noted that

the fits in Fig. 13 require a low B-field within the WCR (ζ B ∼
3 × 10−4–10−3), which is far from equipartition with the energy

density of non-thermal particles (electrons plus ions). Assuming a

simple dipole field, this implies that the B-field at the surface of

each star is very low, with little or no amplification in the WCR.

As the synchrotron flux is proportional to ζ rel,e ζ
3/4
B , large values of

ζ rel,e are required to normalize the model spectra to the data. The

models (G–J) shown in Figs 13 and 15 imply that 10–20 per cent

of the available wind kinetic power processed through the shocks

bounding the WCR (which is a small fraction of the total kinetic

power of the winds in the system) is transferred to the non-thermal

electrons. This is unacceptably high. Hence, models where the

low-frequency turnover is due to free–free absorption are preferred.

The high-energy non-thermal emission from models G–J is also less

consistent with current EGRET and INTEGRAL observations, and
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A

B

C

Figure 17. 8.4-GHz synthetic VLBA observations of the model intensity

distributions in Fig. 16. The data have been scaled to match the peak flux

in the observations in Dougherty et al. (2005) at phase 0.841 – close to

1.2 mJy beam−1. The top panel (a) shows the resulting image for model A

(thin line) and model B (thick line) when there is no noise, that is, ‘perfect’

data. The middle panel (b) used the same imaging and deconvolution param-

eters as in Dougherty et al. (2005), and shows no discernable difference in

the images of the two models. In the lower panel (c), the lowest spatial fre-

quency content of the data is more strongly emphasized by severely tapering

the data, and the two models may just be distinguished. Contours in (a) start at

30 μJy beam−1 and increase by powers of 1.5. For (b) and (c), the first con-

tour is at 33 μJy beam−1. Each minor tick on the axes represents 1 mas.

The scale and distribution of the emission in panel (b) is consistent with the

observations at both phases 0.830 and 0.841 presented in Dougherty et al.

(2005).

in model G the non-thermal X-ray flux exceeds the observed thermal

flux. This is discussed further in Section 4.4.

Amongst models A–F, model E is notable for an extremely low

value of p. The resulting high-energy non-thermal spectrum is

too flat if WR 140 is indeed associated with the EGRET source

3EG J2022+4317 (see Section 4.4.2). The magnetic energy density

in model C is towards the high end of expectations, with B = 3.3 G

at the apex of the WCR. A magnetic field this high is likely to pre-

vent particle acceleration as the shock velocity does not exceed the

phase velocity of whistler waves propagating normal to the shock

(see Eichler & Usov 1993, for the necessary conditions). At this

stage, we also prefer to use the stellar luminosities determined in

Dougherty et al. (2005), rather than reduced values such as used in

model F, though further investigation of this matter is needed. On

this basis, models A, B and D are preferred. Of these three models,

the viewing angle of model B is closer to the value determined by

Dougherty et al. (2005), and hence is the preferred model overall.

We now compare our estimate of η from model B to previous

estimates. First, η = 0.02 is consistent with the value derived from

Marchenko et al. (2003), from an analysis of the C III and He I line

profiles around periastron. Dougherty et al. (2005) estimated a value

an order of magnitude higher (0.22), but this is an indirect estimate

based on an assumed mass-loss rate for the O supergiant. They also

argued that η = 0.22 is consistent with the opening angle of the

WCR as estimated from the VLBA images. However, as argued in

the previous section, we should not expect the opening angle of the

WCR to be constrained by the VLBA observations at this orbital

phase. Varricatt et al. (2004), from He I absorption in the WR wind,

determined a lower limit to the half-opening angle of 42◦, which is

consistent with the value for the WR shock in model B.

4.4 The high-energy emission

4.4.1 Models of the high-energy emission

The parameters obtained from the models of the radio data in Sec-

tion 4.3 allow prediction of the IC and relativistic bremsstrahlung

fluxes, and by specifying the ratio of the energy density of electrons

to ions it is possible to predict the flux from the decay of neutral

pions. Such calculations can be used to further constrain the spec-

tral index of the non-thermal particles and thus the nature of their

acceleration, as demonstrated in this section.

The predicted non-thermal emission from model B is shown in

Fig. 18, and a summary of the emission components noted in Table 4.

The INTEGRAL flux is insensitive to reasonable assumptions about

the value of γ max, though the EGRET and GLAST fluxes are more

so. However, the VERITAS flux is highly sensitive to both γ max

and ζ rel,i/ζ rel,e, and the predictions presented here are meant only

as a guide. At GeV energies and above, we may underestimate

slightly the flux through our neglect of the emission from secondary

particles.

The total luminosity from non-thermal processes is ∼0.5 per cent

of the kinetic power in the wind–wind collision (∼1036 erg s−1), the

latter being ∼1 per cent of the total kinetic power in the winds.

The IC emission dominates for photon energies less than 50 GeV,

while the emission from pion decay reaches energies up to 15 TeV

(the maximum photon energy from each process is limited by the

assumed value of γ max = 105 for the electrons and ions). The rela-

tivistic bremsstrahlung emission is a minor contributor to the total

non-thermal flux, and does not dominate at any energy. The ab-

sorption of high-energy photons by two-photon pair production is

significant at GeV and TeV energies, in good agreement with the

C© 2006 The Authors. Journal compilation C© 2006 RAS, MNRAS 372, 801–826



818 J. M. Pittard and S. M. Dougherty

 1e-25

 1e-20

 1e-15

 1e-10

 1e-05

 1e-10  1e-05  1  100000  1e+10  1e+15

F
lu

x
 (

e
rg

 s
-1

 c
m

-2
 k

e
V

-1
)

Energy (eV)

INTEGRAL EGRET

GLAST

VERITAS

 1e-13

 1e-12

 1e-11

 1e-10

 1e-09

 1e-08

 100  1000  10000

ASCA data

Attenuated

Intrinsic

Figure 18. The radio, and non-thermal UV, X-ray and γ -ray emissions calculated from model B, together with the observed radio and X-ray flux. The radio

model shown indicates the thermal free–free flux (displayed below the data points), the intrinsic synchrotron flux before free–free absorption (displayed above

the data points), and the total observed emission (cf. Fig. 10). The model IC (long-dashed line), relativistic bremsstrahlung (short-dashed line), and pion decay

(dotted line) emission components are shown, along with the total emission (solid line). Photoelectric absorption is significant at soft X-ray energies up to

∼2 keV. To calculate the IC and relativistic bremsstrahlung emissions, ζ rel,e = 5.36 × 10−3, as derived from the fit to the radio data (Fig. 10) was assumed.

ζ rel,i = 100 ζ rel,e was assumed to calculate the neutral pion decay emission. The observed ASCA X-ray spectrum from φ = 0.837 is also shown. The intrinsic

(dashed line) and attenuated (dotted line) thermal X-ray emissions from model B are displayed in the inset, where we have assumed unmodified collisional

shocks, rapid thermalization of the post-shock electrons, and collisional ionization equilibrium in our model. The ISM absorbing column was fixed at N H =
5.4 × 1021 cm−2 (Zhekov & Skinner 2000), and the absorption coefficients for the ISM and the WR and O star winds were calculated using CLOUDY v94.00

(Van Hoof, Martin & Ferland 2000, see http://www.nublado.org).

Table 4. The high-energy non-thermal emission from model B of WR 140 at orbital phase 0.837, with η = 0.02 and ζ rel,e = 5.36 × 10−3 . ζ rel,i = 100 ζ rel,e

is assumed for the calculation of the emission from neutral pion decay. The IC emission dominates the total emission in each energy band noted in this table.

Mechanism Total emission EGRET EGRET INTEGRAL IBIS GLAST
(100 MeV–10 GeV) (100 MeV–10 GeV) (15 keV–10 MeV) (20 MeV–300 GeV)

(erg s−1) (erg s−1) (photons s−1 cm−2) (photons s−1 cm−2) (photons s−1 cm−2)

Inverse Compton 3.5 × 1033 2.1 × 1033 5.4 × 10−9 2.7 × 10−6 1.5 × 10−8

Relativistic bremsstrahlung 1.8 × 1030 3.2 × 1029 2.5 × 10−12 2.0 × 10−9 2.1 × 10−11

π0 decay 6.8 × 1031 9.8 × 1030 1.3 × 10−11 3.9 × 10−14 1.8 × 10−11

calculation in Fig. 2 where a single line of sight from the stagnation

point of the WCR to an observer was considered.

The IC flux is directly proportional to the energy density of non-

thermal electrons, U rel,e, and thus to ζ rel,e, which in the calculation

for Fig. 18 was set to 5.36 × 10−3 as determined from the fits of

the radio data (Fig. 10). The gradual steepening of the IC spectrum

between 2 and 100 keV (corresponding to 14 � γ � 100) indicates

the effect of IC cooling on the non-thermal electron energy spectrum.

The lack of a clearly defined spectral break reflects the situation for

the synchrotron spectrum at radio frequencies (see figs 4 and 6 in

Pittard et al. 2006). Above 1 MeV, the spectral index is equal to

−p/2 = −0.7 [corresponding to a photon spectral index, � = − α

+ 1 = (p + 2)/2 = 1.7].

The relativistic bremsstrahlung spectrum is fairly flat below 1

MeV, and falls off sharply at higher energies. Like the IC emis-

sion, its flux is directly proportional to the specified value of

ζ rel,e. In contrast, the emission from neutral pion decay peaks at

0.5mπ c2 = 67.5 MeV and, for pions produced from collisions in-

volving non-thermal protons, has a maximum energy of E p,max/6,

where the maximum energy of non-thermal protons, E p,max = γ max

m p c2. The flux from pion-decay is directly proportional to n iU rel,iV ,

where ni is the number density of thermal ions, U rel,i = ζ rel,iU th is

the energy density of non-thermal ions, and V is the volume occu-

pied by the WCR. Since U th ∝ n i ∝ D−2, U rel,i ∝ ζ rel,i D−2. In the

adiabatic limit, the volume of the WCR scales as D3, so the intrinsic

flux from neutral pion decay should scale as ζ rel,i D−1. As we do

not know how (or if) ζ rel,i varies with D, the overall dependence on

D is unknown. However, since the optical depth from two-photon

pair production increases as D−1, the observed flux above 100 GeV

is likely to decline as D is reduced. An added complication is that

γ max for the non-thermal ions will increase with decreasing D if

the stars move sufficiently close that the geometry of the magnetic

field in the unshocked stellar winds changes from toroidal to radial.

In the radial limit, we expect that γ max ∝ 1/D, and thus γ max may
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reach values of 106 in close systems (cf. Bednarek 2005). Table 4

summarizes the emission from the model components in various

instrumental bands.

Fig. 18 also compares the non-thermal X-ray and γ -ray emis-

sions calculated from our model with the observed ASCA data at φ

= 0.837 – data set 27022010, observed on 1999 October 22. The

O star is in front of the WR star at this orbital phase, and although

the IC emission will be slightly higher when a full treatment of the

anisotropy of the scattering is accounted for, the increase should

be less than a factor of 3 (see fig. 10 in Reimer et al. 2006). It is

reassuring that even with this factored in, the model IC fluxes are sig-

nificantly lower than the observed X-ray emission, consistent with

the lack of detection of an underlying power-law component. The

inset of Fig. 18 shows the intrinsic and attenuated thermal X-ray

emissions from model B. An important point is that the attenuated

emission is in close agreement with the ASCA data. Unfortunately,

this is also the case for our model A, and so the X-ray absorption at

phase 0.837 cannot be used to constrain η.

Models of the radio data alone are ill constrained (see Section 4.3),

and the properties of their high-energy non-thermal emission pro-

vide an important tool for discriminating between the models. In

Fig. 19, the high-energy spectra of models A and B, are shown. The

flux from model B is slightly higher than that from model A because

ζ rel,e and ζ rel,i are slightly higher, and the IC emission has a slightly

steeper spectral slope in model B due to stronger IC cooling of the

non-thermal electron energy spectrum resulting from the smaller

distance between the apex of the WCR and the O star.

Fig. 20 shows the high-energy non-thermal emission from models

C, D, and E. The degeneracy of the emission at radio wavelengths

is broken at high energies where clear differences in the models

occur. In particular, the decrease in p from model C (p = 1.53) to

model E (p = 1.1) is clearly manifested in the spectral slope, while

the increase in ζ rel,e from model C to E is apparent in the relative

normalization of the spectra. Since model E has ζ rel,e = 2.8 × 10−2

which precludes setting ζ rel,i = 100ζ rel,e, we instead set ζ rel,i =
30ζ rel,e for this model.

The high-energy non-thermal emissions from models B and F are

compared in Fig. 21, where the main difference is in the assumed

stellar luminosities. The spectral slope of the IC emission at energies

greater than 0.1 MeV reflects the different values of p in these mod-

els. This emission arises predominantly from those electrons near

the apex of the WCR with initial post-shock Lorentz factors greater

 1e-24

 1e-22

 1e-20

 1e-18

 1e-16

 1e-14

 1e-12

 1e-10

 1  100  10000  1e+06  1e+08  1e+10  1e+12  1e+14

F
lu

x
 (

e
rg

 s
-1

 c
m

-2
 k

e
V

-1
)

Energy (eV)

A

B

Figure 19. The high-energy non-thermal emission calculated from models

A and B with p = 1.4.
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Figure 20. The high-energy non-thermal emission calculated from models

C, D and E, with η = 0.11.
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Figure 21. The high-energy non-thermal emission calculated from models

B and F, with η = 0.02.

than ∼100. All such electrons rapidly cool to Lorentz factors of ap-

proximately 12 (model B) and 25 (model F) before advecting out of

the system. Although the absorption of γ -rays by pair-production

is lessened in model F due to the reduced stellar luminosities as-

sumed, the commensurate reduction in ζ rel,e (and thus ζ rel,i) and

the increase in p lead to an overall decrease in the VERITAS flux

(Table 5).

Fig. 22 shows a comparison between the high-energy non-thermal

emission from models where free–free absorption (model B) or the

Razin effect (models G, H, I and J) is responsible for the low-

frequency radio turnover. The large values of ζ rel,e in models G–

J cause the IC flux to be at least two orders of magnitude higher

relative to model B. Future observations with AGILE and GLAST
should have the sensitivity to detect such fluxes, thus allowing a pro-

cess of discrimination between our models. In fact, we can already

exclude model G, since its predicted non-thermal emission exceeds

the observed thermal emission at X-ray energies. While models H–

J cannot be excluded in the same manner, there are other reasons

why they are less desirable than model B (see Section 4.3.2). Ta-

ble 5 notes the non-thermal luminosities and fluxes in various energy

bands from each model.
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Table 5. The high-energy non-thermal emission calculated from the models in Table 3.

Model Total emission EGRET EGRET INTEGRAL IBIS GLAST VERITAS
(100 MeV–10 GeV) (100 MeV–10 GeV) (15 keV–10 MeV) (20 MeV–300 GeV) (200 GeV–50 TeV)

(erg s−1) (erg s−1) (photons s−1 cm−2) (photons s−1 cm−2) (photons s−1 cm−2) (photons s−1 cm−2)

A 2.4 × 1033 1.5 × 1033 3.4 × 10−9 1.0 × 10−6 1.0 × 10−8 2.7 × 10−14

B 3.6 × 1033 2.1 × 1033 5.4 × 10−9 2.7 × 10−6 1.5 × 10−8 4.5 × 10−14

C 3.2 × 1032 1.8 × 1032 4.8 × 10−10 3.0 × 10−7 1.4 × 10−9 3.5 × 10−15

D 2.8 × 1033 1.6 × 1033 4.0 × 10−9 1.5 × 10−6 1.1 × 10−8 2.8 × 10−14

E 3.6 × 1034 2.0 × 1034 4.2 × 10−8 4.2 × 10−6 9.4 × 10−8 2.8 × 10−13

F 1.3 × 1033 7.0 × 1032 2.0 × 10−9 2.4 × 10−6 6.3 × 10−9 1.5 × 10−14

G 2.4 × 1035 7.6 × 1034 2.8 × 10−7 1.4 × 10−3 1.1 × 10−6 8.0 × 10−15

H 1.9 × 1035 1.1 × 1035 3.1 × 10−7 2.7 × 10−4 9.5 × 10−7 9.9 × 10−15

I 1.1 × 1035 6.8 × 1034 1.7 × 10−7 8.1 × 10−5 4.7 × 10−7 6.5 × 10−15

J 2.4 × 1035 1.5 × 1035 4.0 × 10−7 1.7 × 10−4 1.1 × 10−6 1.1 × 10−14
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Figure 22. The high-energy non-thermal emission calculated from models

B, and G–J. The low-frequency radio turnover in model B is due to free–free

absorption, whereas in models G–J it is due to the Razin effect. The ASCA
data are also shown.

4.4.2 Comparison to observations

The total photon flux in the EGRET band from models A–F (where

free–free absorption is responsible for the low-frequency radio

turnover) varies from 4.8 × 10−10 photons s−1 cm−2 (model C)

to 4.2 × 10−8 photons s−1 cm−2 (model E). The highest predic-

tion is still below the flux detected from 3EG J2022+4317 dur-

ing the 1992 December observation at φ = 0.97 (2.47 ± 0.52 ×
10−7 photons s−1 cm−2). While the different orbital phases of the ra-

dio and EGRET data prevent a direct comparison, the IC emission

should increase between phase 0.837 and 0.97 as the stellar sepa-

ration decreases by about a factor of 3. Thus, the models with the

highest predicted fluxes are broadly consistent with the data. In con-

trast, models G, H and J have predicted photon fluxes in the EGRET
band which exceed that observed from 3EG J2022+4317. This is

an additional reason why these models are not as desirable as those

where free–free absorption is responsible for the low-frequency ra-

dio turnover.

In model B, the photon spectral index of the total non-thermal

emission, �, is −2.9 at 1 keV (due to photoelectric absorption), 1.7

at 1 MeV and 100 MeV, 1.8 at 1 GeV, and 2.5 at 10 GeV, and is in

rough agreement with the observed EGRET value of � = 2.31 ±
0.19 between 100 MeV and 10 GeV. Model E has the flattest non-

thermal spectrum, with � = −1.0 at 1 keV, 1.55 at 1 MeV and 100

MeV, 1.6 at 1 GeV, and 2.1 at 10 GeV, and matches the observed

spectral slope less well.

4.4.3 Comparison to previous work

The non-thermal γ -ray emission from WR 140 has previously been

estimated by Benaglia & Romero (2003) and Reimer et al. (2006).

Since Benaglia & Romero’s calculations are based on a stellar sep-

aration of 10 au (corresponding to φ = 0.95), neither our estimates,

their estimates, nor the EGRET detections, can be directly com-

pared. Their estimate for the IC luminosity in the EGRET band

of 2.1 × 1034 erg s−1 is typically higher than the values from our

models A–F, but lower than those from models G–J (cf. Table 5).

There are substantial differences between this work and that of

Benaglia & Romero (2003): their estimate is obtained through the

use of equation (3), in which the ratio of the IC to synchrotron

emission depends strongly on the B-field, and is based on only a

single position in the WCR. They estimated that B = 200 mG (al-

though noting its value is quite uncertain). In contrast, here the IC

emission is determined from models of the radio emission. The mag-

netic field is a fitted (though ill-constrained) parameter of the mod-

els, with a maximum at the stagnation point,3 and rapidly declines

in the downstream flow. Also, in the approach presented here the

B-field directly affects the synchrotron emission, but also indirectly

affects the calculations of the high-energy emission which depend

on the population and spatial distribution of non-thermal particles,

that is, ζ rel,e and ζ rel,i. Finally, Benaglia & Romero (2003) used the

observed synchrotron luminosity, rather than the intrinsic luminos-

ity, leading to an underestimate of the IC luminosity.

Our estimates for the relativistic bremsstrahlung luminosity are

broadly consistent with the limit of <1032 erg s−1 noted in Benaglia

& Romero (2003), but the pion decay luminosities are wildly dis-

crepant with our lowest estimate being 10 orders of magnitude

higher. Details of their calculation are noted in Benaglia et al. (2001),

where a ‘cosmic ray enhancement factor’ of 10 is assumed. This fac-

tor is the ratio between the cosmic ray energy density at the source

(in this case the WCR) and that observed at the Earth (which is

roughly equal to the average cosmic ray energy density within the

3 Since the magnetic field is not well constrained by the radio fits, there is a

large variation in its strength between models. For instance, at the apex of

the WCR, B = 74 mG in model G, rising to 3.3 G in model C, and is 1.2 G

in our preferred model (B).
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Galaxy of ≈1 eV cm−3 = 1.6 × 10−12 erg cm−3). However, at the

head of the WCR, the energy density of relativistic ions in our model

B, for example, is ≈0.64 erg cm−3. This corresponds to a cosmic ray

enhancement factor of ∼1011, and accounts for the large underesti-

mate of the pion decay emission by Benaglia & Romero (2003).

Reimer et al. (2006) have also calculated the expected high-energy

non-thermal flux from WR 140. They concluded that the change

in the IC flux with viewing angle due to anisotropic scattering is

likely to be obscured by large variations in the energy density of the

stellar radiation fields resulting from the high orbital eccentricity.

While anisotropic IC emission and Klein–Nishina effects are clearly

processes which should be included in future models, our work

shows that other uncertainties, such as the value of p, currently have

a greater influence on the IC emission.

4.4.4 Predictions for forthcoming instruments

Our predictions for the flux in the energy band of the IBIS instrument

onboard INTEGRAL and the GLAST large area telescope (LAT) are

also noted in Table 5. For models A–F, the predicted fluxes are ap-

proximately 103 times lower in the INTEGRAL band, and approx-

imately 102 times lower in the GLAST band than those predicted

by Benaglia & Romero (2003). Using the INTEGRAL Observing

Time Estimator, 4 we find that model A cannot be detected at the

5σ level in the 15 keV–10 MeV range using the IBIS imager, since

an exposure time of 300 yr is required! Model E, the brightest of

models A–F in this band, still requires an exposure of 180 yr. With

several bright sources (including Cyg X−1) nearby, the required

exposure time may be even longer. On the other hand, for model J

an exposure time of only 2.8 million seconds is needed. At the time

of writing, WR 140 is not detected in a 2-million-second exposure

(De Becker 2005), and we are close to ruling out model J (and H)

on this basis. Line emission at γ -ray energies from the de-excitation

of nuclear isomers, such as 12 C∗ and 16 O∗, is much too faint to be

detected with current instrumentation (Benaglia & Romero 2003).

The GLAST 5σ sensitivity at E > 100 MeV for sources at high

galactic latitudes with a � = 2 spectrum after a 2 yr all-sky survey

is 1.6 × 10−9 photons s−1 cm−2. Therefore, our predictions suggest

that WR 140 will be detectable; this being important to differentiate

between the models in Table 5.

At energies of approximately 50 GeV and higher, the flux from

the models arises exclusively from the decay of neutral pions, with

a high energy cut-off of ≈15 TeV, strongly dependent on γ max

of the ions. The VERITAS-4 array is sensitive to γ -rays in the

200 GeV to 50 TeV energy band but, unfortunately, the high ab-

sorption from two-photon pair production severely reduces the pho-

ton flux above ∼10 GeV. The predicted flux from model B is not

sufficient for a detection in a 50-hr observation (cf. Fegan, Hall &

Vassiliev 2003), and we conclude that WR 140 is probably too faint

to be detected at φ = 0.837, though it might be brighter at phases

closer to periastron. An observation by GLAST , for example, will

better constrain the potential models, and allow more robust predic-

tions of the flux at ∼TeV energies.

5 D I S C U S S I O N

5.1 Mass-loss rates of early-type stars

It is important that accurate measurements of mass-loss rates from

early-type stars are obtained, as mass loss is known to significantly

4 http://integral.esac.esa.int/isoc/operations/html/OTE.html.

affect their evolution, and the injection of mass, momentum and

energy influences not only the gas-phase conditions in the immediate

environment of the clusters within which the massive stars form, but

also the phase structure and energetics of the interstellar medium

(ISM) on galactic scales, and the thermodynamics and enrichment

of the intergalactic medium on Mpc scales and above.

Unfortunately, observational determinations of mass-loss rates

are often highly uncertain, in part because many of the techniques

are sensitive to the degree of structure in the winds. Overestimates

by factors of at least 3 or more are likely when the winds are clumpy,

but for some types of O stars it could be as high as factors of 20

or more (Fullerton et al. 2006). The X-ray emission from CWB

systems provides an opportunity to measure mass-loss rates using

a method which is not expected to be very sensitive to clumping

(see Section 4.2.3). In fact, mass-loss rates could be underestimated

using this technique: at least some winds may be both denser and

faster at high latitudes (Dwarkadas & Owocki 2002; Smith 2002;

Chesneau et al. 2005), and if the stellar rotation axes of the stars

are closely perpendicular to the orbital plane, the WCR then probes

those parts of the winds which are less dense and slower. In addition,

a significant amount of energy may be siphoned into particle accel-

eration. In this work, the mass-loss rate for the O supergiant star in

WR 140 is towards the lower end of previous estimates, but is con-

sistent with expected biases. A reduction in mass-loss rates, and/or

mass loss through a predominantly polar flow, can also explain

the near-symmetry of observed X-ray lines from early-type stars

(Cohen et al. 2006; Mullan & Waldron 2006; Owocki & Cohen

2006), and both reduced mass loss and polar flow help in the theo-

retical formation of gamma-ray bursts (Woosley & Heger 2006).

5.2 The nature of shocks and particle acceleration
in wide CWB systems

In this work, we have presented evidence for a fairly hard spec-

trum (i.e. p < 2) of non-thermal electrons in WR 140, which is

further supported by earlier fits to the radio data of WR 147 (this

was mistakenly interpreted as evidence for shock modification in

Pittard et al. 2006). As discussed in Section 2.1.3, there are many

potential mechanisms for producing p < 2. One possibility is par-

ticle re-acceleration, but while the wind-embedded shocks believed

to occur in stellar winds due to the line de-shadowing instability

of the radiative driving (e.g. Owocki, Castor & Rybicki 1988) may

provide such an opportunity, and thus harden the non-thermal parti-

cle spectrum prior to the global shocks bounding the WCR, further

evidence is needed for this explanation to be more persuasive, not

least because re-acceleration has yet to be demonstrated in theoret-

ical calculations of wind-embedded shocks. One problem is that in

current 1D simulations of wind-embedded shocks, the accelerated

particles are trapped between forward and reverse shocks. This has

posed a problem for the interpretation of non-thermal radio emis-

sion from single stars (Van Loo, Runacres & Blomme 2006), and

only calculations using a phenomenological shock model are cur-

rently successful in fitting the data (e.g. Chen & White 1994). 2D

and 3D models of instability-generated structure (see e.g. Dessart &

Owocki 2003) may allow accelerated particles to escape one shock

and be re-accelerated at others, but this has still to be demonstrated.

We can speculate about additional effects which occur in CWB

systems with highly eccentric orbits. For example, if re-acceleration

is important, one might expect p to depend on the orbital phase, as

the number of wind-embedded shocks that accelerate a non-thermal

particle prior to the WCR may change significantly as the stellar

separation alters. Similarly, if the obliquity of the shocks changes
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with stellar separation, the injection efficiency and rate of particle

acceleration may also alter. In addition, it is likely that the maximum

energy obtained by electrons and ions varies with stellar separation.

Finally, the assumption of isotropic synchrotron emission will need

to be reconsidered if the magnetic turbulence is low enough that the

mean B-field has a preferred direction. In the context of WR 140,

these are all potential explanations for the observed asymmetry of

the radio light curve.

Is the efficiency of particle acceleration in WR 140 high enough

for shock modification to occur? In Tycho’s SNR, the concave cur-

vature of synchrotron radio emission is clear, though still indirect,

evidence for shock modification (see Völk et al. 2002). Unfortu-

nately, in WR 140 the observed synchrotron emission extends over

a much narrower frequency range and a concave curvature cannot

easily be distinguished, and while the lower than expected thermal

X-ray temperature is consistent with shock modification, a more

probable cause is T e < T i. Likewise, while shock modification

may help to explain the behaviour of the X-ray light curve which

does not follow the expected 1/D variation for an adiabatic WCR

(Pollock et al. 2002), there is a realistic chance that radiative cool-

ing is the cause. Finally, the B-field in WR 140 is sufficiently high

to cause significant energy to be transferred from the non-thermal

particles into magnetic turbulence via Alfvén wave heating, thereby

lowering the acceleration efficiency, although it remains possible

that shock modification occurs predominantly through particle loss

(due to the curvature of the shocks) rather than high acceleration

efficiencies. To summarize, there is currently no strong evidence

for shock modification in WR 140, and on balance we conclude that

strongly modified shocks are unlikely to occur in WR 140.

5.3 Non-thermal X-ray, TeV and muon neutrino emission
from CWBs

While there is no observational evidence for non-thermal X-ray

emission in WR 140, there are some systems that appear to show a

power-law tail. Perhaps the strongest candidate is η Carinae, where

X-rays with a photon index � ≈ 2.4 were detected at energies of

up to 150 keV during a long BeppoSAX exposure (Viotti et al.

2004). Determining the spectral slope at higher energies should al-

low discrimination of the competing models proposed to explain this

emission.

The lack of observed non-thermal X-ray emission from CWB

systems which are known non-thermal radio emitters (De Becker

et al. 2004a, 2005, 2006) contrasts with the possible detection of

non-thermal X-ray emission from the 3.4 d orbital period system

HD 159176, which is not known to be a non-thermal radio emit-

ter (De Becker et al. 2004b). Though the nature of the wind–wind

collision in such short-period systems is uncertain, if particle accel-

eration occurs, perhaps mainly through reconnection, IC losses will

be catastrophic, and it is not surprising that non-thermal X-ray emis-

sion is possibly detected despite no clear signature of synchrotron

emission (due to the obvious high absorption – De Becker 2005).

In the models of WR 140 presented in this paper, absorption of

high-energy photons by pair-production creates a very steep photon

spectrum between 10 GeV and 1 TeV. Consequently, the photon

flux above 1 TeV is many times lower than the flux predicted in

the VERITAS bandpass, which is dominated by photons with ener-

gies less than 1 TeV (see Table 5). For example, in model B the flux

above 1 TeV is 1.2 × 10−14 photons s−1 cm−2. Nevertheless, the flux

from CWB systems compares favourably to some other mechanisms

proposed for the generation of TeV emission, such as the interac-

tion of cosmic rays in the innermost parts of the winds of early-
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Figure 23. The differential spectra of muon neutrinos produced by neutral

pion decay from models B and E (the fluxes have been reduced by a factor of

2 to account for neutrino oscillation). The ANB flux within 1◦ of the source

(Lipari 1993) is shown, together with the 3-yr sensitivity of the IceCube

detector (Hill 2001).

type stars (Torres, Domingo-Santamarı́a & Romero 2004) or within

the cluster wind of a dense stellar cluster (Domingo-Santamarı́a &

Torres 2006). Therefore, it is possible that several CWBs or mul-

tiple colliding winds from a cluster of stars contribute a part or all

of the flux from the unidentified TeV source detected in the Cygnus

region, TeV J2032+4130 (Aharonian et al. 2005a), which has an in-

tegral flux F γ (E γ > 1 TeV) = 6.9(±1.8) × 10−13 photons s−1 cm−2.

The unidentified TeV source HESS J1813−178 (with an integrated

flux above 200 GeV of 1.2 × 10−12 photons s−1 cm−2) may also be

associated with an OB association (Aharonian et al. 2005b).

The decay of charged pions created in hadronic collisions be-

tween non-thermal and thermal ions produces a νμ + ν̄μ neutrino

flux. This flux can be estimated from the γ -ray flux produced by neu-

tral pion-decay by imposing energy conservation (Alvarez-Muñiz

& Halzen 2002). Fig. 23 shows the resulting flux from models B and

E, including neutrino oscillation. It is clear that the predicted fluxes

are neither above the atmospheric neutrino background (ANB), nor

above the sensitivity limit of the proposed IceCube detector. Thus,

our finding is contrary to the conclusion of Bednarek (2005), who

predicted a detectable muon neutrino flux from WR 20a. This dis-

crepancy is due to Bednarek’s use of a higher conversion efficiency

of kinetic power into non-thermal particles, largely through the as-

sumption η = 1.

5.4 Colliding winds in dense stellar clusters

Our work is also relevant to more complicated systems involving

colliding winds, such as dense stellar clusters. Hydrodynamical sim-

ulations of the multiple colliding winds in clusters have been per-

formed by Raga et al. (2001), with particular application to the

Galactic Centre in Coker & Melia (1997), Coker & Pittard (2005),

Rockefeller et al. (2005) and Cuadra et al. (2006). A network of

bubbles form around the stars, which are embedded in a medium of

hot shocked gas. Highly non-linear DSA should occur at the stellar

termination shocks in stellar clusters if the pre-shock B-field is small

enough (B � 10 μG, Ellison, Decourchelle & Ballet 2005), though

the most extreme modification (e.g. compression ratios much greater

than 4) will occur only at the cluster’s edge.

Shock modification is also a potential explanation for the lower-

than-expected temperature of the X-ray emitting gas observed in

C© 2006 The Authors. Journal compilation C© 2006 RAS, MNRAS 372, 801–826



Models of the colliding-wind binary WR 140 823

several dense stellar clusters (e.g. Stevens & Hartwell 2003), though

mass-loading and slow equilibration of the post-shock ion and elec-

tron temperatures are other possibilities. In addition, the X-ray lu-

minosities of the diffuse gas are generally higher than expected,

which indicates mass-loading and/or a low thermalization efficiency

(Stevens & Hartwell 2003; Oskinova 2005), the latter also being

consistent with efficient particle acceleration and shock modifica-

tion. If the rate at which energy is removed from the cluster (e.g. by

radiative cooling) exceeds 30 per cent of the energy injection rate, a

time-independent cluster wind cannot form (Silich, Tenorio-Tagle &

Rodrı́guez-González 2004). Though the removal of energy through

particle acceleration was not considered, efficiencies of this order

are expected (e.g. Bykov 1999), in which case a full time-dependent

solution for the cluster wind is required.

Amongst the dense stellar clusters known in our Galaxy, the cen-

tral cluster around Sgr A∗ is unusual in many respects, including

the recent detection of apparently thermal gas with a temperature

kT ≈ 8 keV (Muno et al. 2004), and TeV emission. Observations

with HESS show a 1–10 TeV luminosity of ∼1035 erg s−1 (Aharo-

nian et al. 2004). The upper limit on the TeV source size is <3 arcmin

(95 per cent confidence level), which corresponds to <7 pc at the

distance of the Galactic Centre. The photon spectrum above the

165-GeV threshold is specified by F(E) = F 0 E−�
TeV, with � ≈ 2.2

and F 0 ≈ 2.5 × 10−12 photons s−1 cm−2 TeV−1, and has been inde-

pendently confirmed with MAGIC (Albert et al. 2006). Various ori-

gins of the TeV emission have been proposed, including the central

supermassive black hole (Aharonian & Neronov 2005a), the young

SNR Sgr A East (Crocker et al. 2005), the dark matter halo (Horns

2005), and from non-thermal particles accelerated at the multiple

colliding-wind shocks (Quataert & Loeb 2005), which we will now

discuss.

The total wind power estimated from the cluster of stars within

∼10 arcsec (∼0.4 pc) of the Galactic Centre is ∼3 × 1038 erg s−1.

In the context of colliding winds, the TeV emission may arise from

IC upscattering of ambient photons by non-thermal electrons, or

from the decay of neutral pions created by the collisions of non-

thermal and thermal hadrons. We now consider each process in turn.

It is likely that IC cooling limits the maximum Lorentz factor that

non-thermal electrons within the central parsec can attain to ∼107

(Quataert & Loeb 2005), which is only marginally high enough for

IC scattering to account for the detected TeV flux. The TeV emission

occurs from electrons whose cooling time is less than the flow time

out of the cluster, that is, from those with γ > γ c. For a power-law

distribution of electrons n(γ ) ∝ γ −p , the IC photon spectral index

is � = (p + 2)/2, for γ > γ c. Hence, the TeV spectral index of

2.2 implies that p ≈ 2.4. If instead neutral pions are responsible,

the observed spectral index indicates that p ≈ 2.2. In the context of

multiple colliding winds, Ozernoy, Genzel & Usov (1997) estimated

the emission from pion-decay to be ∼3 × 1036 erg s−1, assuming

10 per cent acceleration efficiency for hadrons at the multiple shocks,

and a 10 per cent energy transfer into pions, that is, a 1 per cent effi-

ciency overall. Other estimates in the literature suggest a somewhat

lower luminosity from this process (e.g. Quataert & Loeb 2005), but

this process nevertheless appears to be plausible on energy grounds.

The required value of p for each of these processes is much softer

than that we find here for WR 140, and also for the theoretical limit

for multiple shocks (p = 1.0, Pope & Melrose 1994). This im-

plies that re-acceleration at multiple shocks within the cluster, as

proposed by Ozernoy et al. (1997), does not occur. It is possible

to imagine several reasons why this might be the case. First, there

is unlikely to be a seed population of non-thermal particles from

wind-embedded shocks encountering the termination shock of the

winds because of the large adiabatic cooling experienced as the

plasma flows out to ∼0.01–0.1 pc. Hence, the particle spectrum

immediately downstream of the termination shocks is likely to cor-

respond to the single-shock limit. Secondly, it is not entirely clear

that there will be numerous opportunities for particle re-acceleration

within the radius of the cluster, since the cooling time-scale of the

shocked gas is long, and it remains hot, and therefore subsonic. An-

alytical solutions of cluster winds reveal that the shocked gas, on

average, only becomes supersonic at the outer radius of the cluster

(Chevalier & Clegg 1985). Within the cluster interior, the network of

hot post-shock gas experiences pressure gradients and weak shocks

as it escapes, but in general is not likely to be repeatedly shocked.

This lack of opportunity for re-acceleration means that p is likely to

remain close to the value obtained from a single shock.

Perhaps the most natural explanation is that the majority of parti-

cle acceleration occurs at low Mach number shocks (M ≈ 3 and

≈ 5, for IC and pion-decay emissions, respectively) within the

network of hot shocked gas. This conclusion does not rule out the

possibility of modification at the termination shocks of the individ-

ual winds, which would be consistent with the low X-ray tempera-

ture of the cooler emission component (kT ≈ 0.8 keV, Muno et al.

2004), but does exclude shock modification as the only process since

a hard particle spectrum (p < 2) is expected at the high particle en-

ergies (γ � 105) which are necessary. An alternative explanation is

subdiffusive cross-field transport (see Section 2.1.3).

The Galactic Centre region has also been detected at GeV

energies. The observed luminosity of the EGRET source 3EG

J1745−2852 is ≈2 × 1037 erg s−1 (Mayer-Hasselwander et al. 1998;

Hartman et al. 1999). However, while its position is consistent with

Sgr A∗, the angular resolution of 1◦ covers a solid angle of about

100 times larger than the emission seen with HESS. As the EGRET
spectrum is about four orders of magnitude brighter than the ob-

served HESS emission extrapolated as a power-law to GeV ener-

gies, different processes/sources may well be responsible for the

detected emission (although different assumptions concerning the

injection spectrum and diffusion coefficients of non-thermal pro-

tons may account for both observations, as shown by Aharonian &

Neronov 2005b). Regardless of the origin of non-thermal protons,

if the emission is from pion-decay, a substantial TeV neutrino flux

should be seen by neutrino telescopes.

While it remains difficult to draw firm conclusions on the nature

of the TeV emission observed from the Galactic Centre, we note

that the nearby Arches cluster, which has an integrated mass-loss

rate from its stellar components within an order of magnitude of the

Galactic Centre cluster, has not yet been detected at TeV energies.

This may argue against the cluster wind scenario as an explanation

for the TeV emission from the Galactic Centre.

6 S U M M A RY A N D F U T U R E D I R E C T I O N S

In this paper, we have applied models to the observed emission from

WR 140 at φ = 0.837, when the radio emission is near maximum,

and when X-ray data are available. Predictions for the X-ray and

γ -ray emission from IC scattering, relativistic bremsstrahlung, and

neutral pion decay, as well as for the muon neutrino flux, are made.

Our calculations are based on the orbital solution of Dougherty

et al. (2005), and contain a number of simplifying assumptions,

including that (i) the non-thermal electrons and ions are accelerated

at the shocks bounding the WCR (this is assumed to be through

DSA, but need not necessarily be so) and have power-law spectra

with a sharp cut-off at γ max = 105 before advecting downstream, (ii)

the non-thermal particle distribution at these shocks is normalized
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with respect to the local post-shock thermal energy density; the non-

thermal ions have 100 times the energy density of the non-thermal

electrons, and neither the spectral index of the energy distribution

nor the γ max varies along the shocks, (iii) the energy density of

the magnetic field is similarly normalized to the local post-shock

thermal energy density, (iv) particle acceleration has no effect on the

thermal shock structure, that is, there is no shock ‘modification’, (v)

IC cooling occurs in the Thomson limit with isotropic scattering,

and (vi) the emission from secondary particles is ignored. Rapid IC

cooling of the high-energy electrons in the post-shock flow means

that the local value of γ max is typically 
105. The assumptions

γ max = 105 and ζ rel,i = 100ζ rel,e, together with the assumptions in

(v), mean that the predicted emission at GeV energies and above is

relatively uncertain at this stage. Our predictions for the VERITAS-4
flux, in particular, should be treated as an estimate.

Despite the large number of assumptions listed above, it is pos-

sible to make a number of key deductions concerning the nature

of WR 140 and the particle acceleration process at the WCR. We

clearly show that VLBA imaging observations of WR 140 do not

currently have enough sensitivity to constrain the wind-momentum

ratio η, through determination of the shock opening angle. VLBI ob-

servations are only sensitive to high-brightness emission that arises

in the region of the apex of the WCR, where the WCR has yet to

attain an asymptotic opening angle. Furthermore, we find that the

relative positions of the stars and the peak of the observed emission

from the WCR are not necessarily related to η, due to occultation

by the stellar winds. Such observations have been used to determine

η in a number of wider CWB systems where occultation effects are

expected to be relatively unimportant (e.g. Dougherty et al. 1996,

2000; Contreras et al. 1997; Williams et al. 1997), but we caution

against the application of this method to closer systems like WR 140.

In spite of these limitations in interpreting VLBA observations, it is

possible to constrain the wind-momentum ratio, using simultaneous

fits to the radio and X-ray data to η ≈ 0.02. A remaining concern is

that the line-of-sight angle into the system in our preferred model

is some way from the observationally determined value, although

the uncertainty in the latter is not negligible. Additional data are

required to further constrain the orbital parameters of WR 140.

The stellar mass-loss rates in our preferred model are ṀWR ≈
4.3 × 10−5 M� yr−1 and ṀO ≈ 8 × 10−7 M� yr−1. While the O

star mass-loss rate is substantially lower than the values estimated by

Repolust et al. (2004) for O4-5 supergiants, an order of magnitude

reduction in the mass-loss rate is consistent with the recent estimates

of Fullerton et al. (2006), and with some current explanations of the

observed near-symmetry of X-ray lines. Such sizeable reductions

have extensive implications for massive star evolution (including

gamma-ray bursts), and feedback on the ISM. There is also some

scope for reducing the stellar luminosities adopted from Dougherty

et al. (2005).

An important finding is that models of the radio data require

p < 2. Several possible mechanisms can, in principle, explain this.

In any case, a flatter spectrum for the non-thermal particles has

important implications for the modelling of the high-energy non-

thermal emission from such systems, with almost all previous mod-

els in the literature assuming that p = 2. While our fits are currently

non-unique, models where the Razin effect is responsible for the

low-frequency radio turnover (which allow p = 2) can be ruled out

based on the fact that the implied efficiency of electron acceleration

is extraordinarily high. Furthermore, they predict the detection of

IC emission by INTEGRAL which has not yet been achieved, and in

some cases non-thermal X-ray emission at fluxes higher than the ob-

served thermal emission. Observations with Suzaku should be more

sensitive than those made with INTEGRAL, and will allow tighter

constraints to be placed on the strength of the magnetic field. Our

inability to obtain fits to the radio data with p > 2 does not neces-

sarily exclude the possibility of shock modification, but on balance

we believe that this is unlikely to occur in WR 140. However, large

non-linear effects, comparable to those possible at the reverse shock

in SNRs (Ellison et al. 2005), may occur at the wind–wind collisions

in stellar clusters where the B-field is much lower.

Our flux predictions at orbital phase 0.837 are summarized in

Table 5. The photon fluxes in the INTEGRAL, GLAST and VERITAS-
4 bandpasses range from 3 × 10−7 to 3 × 10−4, 10−9 to 10−6 and 4 ×
10−15 to 3 × 10−13, respectively, with our preferred model having

fluxes of 3 × 10−6, 2 × 10−8, and 5 × 10−14 photons s−1 cm−2.

The high-energy non-thermal emission from WR 140 is expected

to display significant variability with orbital phase as the stellar

separation and line-of-sight angle change, both of which affect the

opacity of absorption in the stellar radiation fields and the emission

from the resulting IC cascade of secondary electrons and positrons.

In addition, the spectral index and the acceleration efficiency of the

primary non-thermal particles may also change. We emphasize that

the future detection of TeV emission from CWB systems will almost

certainly indicate pion-decay, since the high photon fluxes prevent

the acceleration of electrons beyond γ ∼ 105–106. WR 140, along

with WR 146 which has the brightest non-thermal radio emission of

any CWB (Dougherty et al. 2000), and WR 147 which is the widest

CWB system on the sky (Williams et al. 1997) and the only system

resolved in X-rays (Pittard et al. 2002), present a real opportunity

for the unambiguous detection of pion-decay from accelerated ions.

The estimated flux of TeV photons from CWB systems compares

favourably to some other mechanisms, and may contribute a part

or all of the flux from some TeV sources. The multiple colliding

winds in the Galactic Centre cluster may make a non-negligible

contribution to the observed TeV flux. However, wide CWB systems

are not expected to be strong neutrino sources.

Tighter constraints on p and the nature of the shocks and particle

acceleration in colliding-wind systems (binaries and clusters) are

best achieved through the dual strategy of improving the theoretical

models and obtaining observational data at MeV and GeV energies.

On the theoretical side, models should explicitly account for the

transfer of part of the available pre-shock energy into accelerated

particles, with a self-consistent calculation of the non-thermal elec-

tron and ion spectra and their subsequent evolution as they advect

with the downstream flow, and include Klein–Nishina effects and

anisotropic IC scattering. Upcoming observations by AGILE and

GLAST at MeV and GeV energies, where the emission is no longer

degenerate with B and p, should then distinguish between the non-

unique model fits to the radio data, and determine the B-field in the

WCR and the spectral index of the non-thermal particles.
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Alvarez-Muñiz J., Halzen F., 2002, ApJ, 576, L33

Bamba A., Yamazaki R., Ueno M., Koyama K., 2003, ApJ, 589, 827

Baring M. G., Harding A. K., 1997, ApJ, 491, 663

Baring M. G., Ellison D. C., Reynolds S. P., Grenier I. A., Goret P., 1999,

ApJ, 513, 311

Bednarek W., 2005, MNRAS, 363, L46

Bednarek W., 2006, MNRAS, 368, 579

Bell A. R., 1978, MNRAS, 182, 147

Bell A. R., 2004, MNRAS, 353, 550

Benaglia P., Romero G. E., 2003, A&A, 399, 1121

Benaglia P., Romero G. E., Stevens I. R., Torres D. F., 2001, A&A, 366, 605

Berezhko E. G., Völk H. J., 2004, A&A, 419, L27

Berezhko E. G., Ksenofontov L. T., Völk H. J., 2003, A&A, 412, L11

Berrington R. C., Dermer C. D., 2003, ApJ, 594, 709

Blumenthal G. R., Gould R. J., 1970, Rev. Mod. Phys., 42, 237

Bykov A. M., 1999, in Ramaty R., Vangioni-Flam E., Cassé M., Olive K.,
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